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Abstract—We present the preliminary results of our analysis of the observations of the X-ray pulsar
SAX J2103.5+4545 by the INTEGRAL Observatory in December 2002. We mapped this region of the
sky in a wide energy range, from 3 to 200 keV. The detection of the source is shown to be significant
up to energies of ∼100 keV. The hard X-ray flux in the energy range 15–100 keV is variable and
presumably depends on the orbital phase. We show that the shape of the pulsar spectrum and its
parameters derived from 18–150-keV IBIS data are compatible with the RXTE observations of the source.
c© 2003 MAIK “Nauka/Interperiodica”.
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INTRODUCTION

The transient X-ray pulsar SAX J2103.5+4545
was discovered by the BeppoSAX observatory during
its outburst of 1997 (Hulleman et al. 1998). The
RXTE observations of the source during the next
outburst in 1999 showed that, apart from a pulsation
period of ∼358 s associated with the neutron star’s
rotation, the system has another type of periodicity
attributable to the orbital motion of a compact object.
Based on these observations, Baykal et al. (2000)
found that the pulsar is a member of a binary system;
its companion, the compact object (e � 0.4), has a
highly elliptical orbit with a period of∼12d.68.

The source’s spectrum, described by a simple
power law with a slope of ∼1.3 and a cutoff at high
energies (Hulleman et al. 1998; Baykal et al. 2002),
is typical of X-ray pulsars. Furthermore, it exhibits a
fluorescent iron line at ∼6.4 keV, while the spectrum
itself is modified in the soft energy range by inter-
stellar absorption with an atomic hydrogen column
density ofNH = 3.8 × 1022 atoms cm−2.

Analysis of the light curves for the source shows
that its intensity is highly variable within one or-
bital cycle and peaks near the periastron (Baykal
et al. 2000). Such behavior of light curves is typical
of binary systems with relatively high eccentricities
and high-mass companions, early-type (O–B) stars.
However, despite the assumption made by Hulleman
et al. (1998) that the B-type star HD 200709 is a
possible companion, it has not yet been confirmed.
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It should be noted that, despite the observed vari-
ability of the pulsar, both on time scales of the orbital
cycle and on time scales of several hundred days,
its spectral parameters are relatively stable (Baykal
et al. 2002). This stability makes it possible to com-
pare RXTE results with the results obtained by other
observatories, in particular, by the INTEGRAL ob-
servatory.

According to observations with the All-SkyMon-
itor (ASM) of the RXTE observatory, the source has
been relatively bright in recent years, continuing to
show outburst activity. Interestingly, in the last sev-
eral months, the constant component of this radiation
had a clear tendency to increase. Here, based on
publicly accessible observations of the INTEGRAL
observatory, we study the hard radiation from the
pulsar SAX J2103.5+4545.

ANALYSIS OF THE OBSERVATIONS

INTEGRAL. The INTEGRAL international
gamma-ray observatory was launched into a high-
apogee orbit by a Russian PROTON rocket from
the Baikonur cosmodrome on October 17, 2002. It
includes instruments to study cosmic sources over
a wide energy range of 3–10 000 keV: (1) the IBIS
telescope, which consists of two detectors, the ISGRI
and the PICSIT, sensitive to photons in the energy
ranges 15–200 and 170–10 000 keV, respectively,
and which allows sources to be localized with an
accuracy up to 30 arcsec; (2) the SPI spectrometer,
which operates in the energy range 15–8000 keV
2003 MAIK “Nauka/Interperiodica”
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and is designed for fine spectroscopy with an energy
resolution of E/δE � 500 (at 1 MeV); and (3) the
JEM-X X-ray monitor with an operating energy
range of 3–35 keV. All of the INTEGRAL telescopes
operate on the principle of a coded aperture. The fields
of view of the IBIS and JEM-X telescopes, whose
data were used here, are as follows: for IBIS, the
total field of view is 29◦ × 29◦, and the fully coded
field is 9◦ × 9◦; for JEM-X, the fully coded field is
4◦.8 in diameter. The observatory, its instruments, and
the observing techniques were discussed in detail by
Winkler (1996, 1999).

In this paper, we used the publicly accessible cali-
bration observations of the Cyg X-1 region performed
by INTEGRAL in December 2002 (revolutions 23
and 25, intervals UT 2002-12-21 09:14:29 – 2002-
12-23 20:41:11 andUT 2002-12-28 11:53:17–2002-
12-29 21:42:10, respectively). Since the calibration
of the INTEGRAL instruments has not yet been fin-
ished, we cannot perform a comprehensive analysis
of the data from all instruments. Therefore, in the
subsequent analysis, we focus our attention on the
data from the ISGRI detector of the IBIS telescope,
which has the largest effective area. The data from the
JEM-X monitor were used only for imaging in the
soft energy range.

To analyze the data, we used the standard
IDAS 1.0 software package that was put at our
disposal by the INTEGRAL Science Data Center
(ISDC, http://isdc.unige.ch). Version 1.0 of the
IDAS package does not allow us to perform a spectral
and temporal analysis of the source’s radiation in full.
Therefore, for a preliminary spectral analysis of the
data obtained for the pulsar SAX J2103.5+4545, we
used a large set of observations for the Crab Nebula
in February 2003 (revolutions 39–45). Taking into
account the strong dependence of the recorded count
rate of sources (including the Crab Nebula) on their
position on the detector (especially in the low-energy
ISGRI channels), in the subsequent analysis of the
light curves and spectra, we used only the observa-
tions in which the source SAX J2103.5+4545 was
inside the fully coded IBIS field, where the recorded
flux from the Crab Nebula is relatively constant
(below, we took it to be 150 and 147 counts s−1 in
the energy ranges 15–40 and 40–100 keV, respec-
tively). Only the images of the region containing the
pulsar that were constructed from the complete series
of observations in the above periods constitute an
exception. Thus, the usable time for ISGRI imaging
was ∼260 ks; for temporal and spectral analyses, it
was ∼55 ks. It should be noted that because of the
much smaller field of view of the JEM-X monitor,
its total exposure time during the observation of the
pulsar SAX J2103.5+4545 was close to the latter
value.
RXTE. To compare the INTEGRAL spectra with
previous observations of the pulsar SAX J2103.5+
4545, we used data from the RXTE observatory
(Bradt et al. 1993), which repeatedly observed this
source in 1997–2002. In addition, to analyze the
behavior of the pulsar in the soft X-ray (1.3–12 keV)
energy range during the INTEGRAL observations,
we also used observations from the All-Sky Monitor
(ASM) of the RXTE observatory (http://xte.mit.edu/
ASM_lc.html).

The main instruments of the RXTE observatory
are the PCA and HEXTE spectrometers, which
jointly cover the energy range 3–250 keV. The PCA
spectrometer is a system of five proportional gas
(xenon/methane) counters. The PCA field of view is
limited by a collimator with a transmission radius of
1◦. The PCAworking range is 3–20 keV, the effective
area at energies of 6–7 keV is ∼6400 cm2, and the
energy resolution at these energies is ∼18%. The
HEXTE spectrometer is a system of two indepen-
dent packages of four NaI(Tl)/CsI(Na) phoswich
detectors sweeping with an interval of 16 s for the
observation of background areas at distances of
1◦.5 from the source. At any given time, the source
can be observed only by one of the two detector
packages; thus, the effective area of the HEXTE
detectors is ∼700 cm2. The working energy range
of the spectrometer is ∼15–250 keV.

To construct an average spectrum of the source
from the RXTE data, we used ∼190 observations
carried out during 1997–2000. The effective exposure
time of the observations used is ∼560 ks. Since the
shape of the source’s spectrum changes only slightly
with its flux (see Baykal et al. 2002), we averaged all
of the observational data.

To process the RXTE data, we used the standard
FTOOLS/LHEASOFT 5.2 software package.

RESULTS
Sky Maps

Figure 1 shows the maps of the sky containing
the pulsar SAX J2103.5+4545 that were obtained by
the JEM-X monitor and the ISGRI detector of the
IBIS telescope in the energy ranges 3–10, 15–40,
40–100, and 100–200 keV, respectively. We clearly
see from these maps that the source is significantly
detected up to energies of ∼100 keV. Apart from the
object under study, three known sources of this region
of the sky fell within the IBIS field of view during
the observations, and were significantly detected: the
black-hole candidate Cyg X-1, the low-mass binary
system Cyg X-2, and the binary system Cyg X-3 (the
latter also fell within the JEM-X field of view). Note
that Cyg X-1 and Cyg X-3 remain fairly bright even
in the hardest energy range.
ASTRONOMY LETTERS Vol. 29 No. 11 2003
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Fig. 1. Image of the sky region with the pulsar SAX J2103.5+4545, reconstructed from the INTEGRAL observations in
December 2002: (a) the JEM-X image in the energy range 3–10 keV; (b, c ,d) the IBIS images in the energy ranges 15–40,
40–100, and 100–200 keV, respectively.
The Light Curves

As was noted in the Introduction, the pulsar’s in-
tensity strongly depends on the orbital phase, peaking
near the periastron (Baykal et al. 2000). The INTE-
GRAL observations of the source indicate that a sim-
ilar pattern is found in the hard X-ray and gamma-ray
ranges. Figure 2 shows the IBIS light curves of the
pulsar in the energy ranges 15–40 and 40–100 keV,
which we arbitrarily call the hard X-ray and gamma-
ray ranges, respectively. To more easily compare our
light curves with those from Baykal et al. (2000),
we plotted orbital phases along the horizontal axis
together with time (the binary parameters were taken
from the same paper). We see that the observed flux
from the system in both energy ranges is at a max-
imum (∼60 and ∼30–40 mCrab, respectively) near
an orbital phase of 0.5; subsequently, it begins to
decline, reaches ∼10–20 mCrab in the energy range
15–40 keV, and falls almost to zero in the energy
range 40–100 keV at phases 0.1–0.2. Unfortunately,
we could not record the light curve of the pulsar in
more detail during the complete orbital cycle, because
ASTRONOMY LETTERS Vol. 29 No. 11 2003
INTEGRAL performed calibration observations of
empty fields between December 23 and 28, 2002.

The Spectrum

To characterize the spectrum of SAX J2103.5+
4545, we used the ratio of the source’s fluxes mea-
sured in different energy ranges to the fluxes recorded
by the ISGRI detector of the IBIS telescope from the
Crab Nebula in the same energy ranges. Analysis of
the set of observations for theCrabNebula shows that
this method of studying sources allows the shapes of
their spectra to be roughly estimated. In this case,
however, because of the imperfect first calibrations
of the instrument, the various systematic uncertain-
ties are of great importance. The observed amplitude
of the systematic uncertainties in determining the
source’s flux in different energy ranges can reach 10–
20%. It is important to note that, as was said above,
both in the observations of the source under study and
in the calibration observations of the Crab Nebula, we
used only the observations in which the sources were
within the fully coded field of the telescope.
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Fig. 2. The ISGRI light curves of the pulsar SAX J2103.5+4545 in the energy ranges 15–40 and 40–100 keV. Each point
corresponds to one telescope pointing with a characteristic exposure time of∼2200 s.
Using the known shape of the spectrum for the
Crab Nebula, we can recalculate the flux from the
source concerned to units of photons cm−2 s−1 in
each energy range and then fit the spectrum obtained
by various models. The ratio of the spectrum for the
pulsar SAX J2103.5+4545 to the spectrum for the
Crab Nebula is shown in Fig. 3. Because of the
complexity of the described procedure and its large
systematic uncertainties, the χ2 value for these fits
cannot be considered an adequate characteristic of
the quality of the applied model.

To describe the spectrum of the source, we used
two simple models: a simple power-law energy de-
pendence of the photon flux (dN/dE ∝ E−Γ) and a
power-law energy dependence of the photon flux with
an exponential cutoff (dN/dE ∝ E−Γ exp(−(E −
Ecut)/Efold)), which is a typical model for the spectra
of accreting X-ray pulsars. The latter model fit was
successfully used to describe the broadband spec-
trum of the source SAX J2103.5+4545 during its
outbursts in 1997 and 1999 (Baykal et al. 2002).

The best-fit parameters of the source’s spectrum
for the models described above are given in the table.
It should be noted that, when fitting the spectrum, we
included the systematic uncertainties in the source’s
fluxes in different energy channels at a 15% level.
Since no information about the source’s spectrum
at energies below 18 keV is available, we fixed sev-
eral parameters pertaining to this energy range at
the values obtained by the RXTE observatory dur-
ing the bright state of SAX J2103.5+4545 (Baykal
et al. 2002). The spectrum of the source obtained
ASTRONOMY LETTERS Vol. 29 No. 11 2003
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Fig. 3. The ratio of the spectrum of the pulsar
SAX J2103.5+4545 to the spectrum of the Crab Nebula
(IBIS data). The hatched region indicates the domain of
possible (statistical and systematic) uncertainties in the
values obtained.

from the ISGRI data of the IBIS telescope is shown in
Fig. 4. To extend it to energies below 15 keV, we used
the simultaneous ASM observations in three energy
channels.

To compare our results with the archival observa-

Best-fit parameters for the spectrum of the pulsar
SAX J2103.5+4545, as derived from IBIS (18–150 keV)
data

Power law (dN/dE ∝ E−Γ)

Photon index Γ 2.8 ± 0.3

Flux, 18–150 keV, 10−10 erg cm−2 s−1 6.2

χ2(d.o.f.) 12.2(6)

dN/dE ∝ E−Γ exp(−(E − Ecut)/Efold)

Photon index Γ 1.3a

Cutoff energy Ecut, keV 7.8a

Spectral cutoff parameter Efold, keV 26 ± 1

Flux, 18–150 keV, 10−10 erg cm−2 s−1 5.7

χ2(d.o.f.) 5.2(6)
a Since no spectral information is available at energies below
18 keV, the parameters pertaining to this energy range were fixed
at the values given by Baykal et al. (2002).
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Fig. 4. The INTEGRAL and RXTE spectra of the
X-ray pulsar SAX J2103.5+4545 (the normalization of
the RXTE spectrum is arbitrary). The hatched region
around the IBIS spectrum indicates the domain of possi-
ble (statistical and systematic) uncertainties in the values
obtained. The IBIS spectrum was supplemented below
15 keV with the simultaneous ASM/RXTE observa-
tions.

tions of the pulsar SAX J2103.5+4545, Fig. 4 also
shows the source’s typical spectrum in its bright state
(PCA and HEXTE data of the RXTE observatory,
arbitrary normalization of the spectrum). We see that
our spectrum construction technique allows us to
satisfactorily restore the spectrum of the source under
study from the IBIS data. In this case, its best-fit pa-
rameters, particularly, the exponential spectral cutoff
parameter, agree well with the RXTE results.

CONCLUSIONS

The transient pulsar SAX J2103.5+4545 fell
within the INTEGRAL field of view during the
calibration observations of the Cyg X-1 region in
December 2002. Our analysis has shown that the
source is detected by the IBIS telescope up to
energies of ∼100 keV; the shape of the source’s
spectrum derived from the INTEGRAL data agrees
well with the its RXTE observations. The spectrum
of the pulsar in the energy range 18–100 keV can
be described either by a power law with a slope of
∼2.8 or by a power-law energy dependence of the
photon flux with an exponential cutoff, which was
used to fit the RXTE spectrum of the source. The
spectral cutoff parameter Efold = 26 ± 1 keV agrees
well with the RXTE results, Efold = 27.1 ± 0.9 keV
(Baykal et al. 2002).
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Despite the moderately long exposure time of the
source’s observations (less than half of the orbital
cycle was covered), we managed to restore the light
curve of the source and to show that its flux in the
energy range 15–100 keV is variable. The flux from
the source both at soft energies (ASM/RXTE) and
at hard energies (INTEGRAL/IBIS) probably peaks
near the periastron.

Including the INTEGRAL observations of the
pulsar SAX J2103.5+4545 obtained during regular
scanning of the Galactic plane in the subsequent
analysis will allow us to increase the usable observing
time, to cover more completely the orbital cycle, and
to search for the cyclotron feature in the spectrum of
the source. The latter, according to the estimates by
Baykal et al. (2002), must be at ∼140 keV, which
corresponds to a neutron-star surface magnetic field
of 1.2 × 1013 G.
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Abstract—We present the results of our analysis of the RXTE observations for two transient sources,
IGR J17091−3624 and IGR J18539+0727, in April 2003. The derived energy spectra of the sources and
the power-density spectra of their light curves make it possible to classify them as low/hard-state X-ray
binaries. The parameters of the power spectrum for IGR J18539+0727 lead us to tentatively conclude that
the compact object in this binary is a black hole. c© 2003 MAIK “Nauka/Interperiodica”.
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INTRODUCTION

The sources IGRJ17091−3624 and IGRJ18539+
0727 were discovered by the INTEGRAL observatory
during a deep survey of the central radian of the
Galaxy and regular scanning of the Galactic plane
in April 2003 (Kuulkers et al. 2003; Lutovinov
et al. 2003a).

The first source was detected on April 14 by the
IBIS telescope of the INTEGRAL observatory in the
energy range 40–100 keV with a flux of 20 mCrab.
In the softer energy range 15–40 keV, the upper limit
on the X-ray flux was 10 mCrab. The subsequent
observations of this region of the sky on April 15–
16 showed that the source’s flux increased to 40
and 25 mCrab in the energy ranges 15–40 and 40–
100 keV, respectively, suggesting a possible soften-
ing of the source’s spectrum (Kuulkers et al. 2003).
Analysis of archival data from the TTM telescope of
the Roentgen observatory on the Kvant module of the
Mir orbiting station and the WFC telescope of the
BeppoSAX observatory showed that during 1994–
2001, the source was significantly detected at the
same position several times (Revnivtsev et al. 2003;
J. in’t Zand et al. 2003). VLA radio observations of
the sky region around the source after the discovery of
IGR J17091−3624 in April 2003 (Rupen et al. 2003)
revealed a possible radio counterpart.

Several days later, on April 17–18, the second
source was discovered during regular scanning of the
Galactic plane and deep observations of the micro-
quasar GRS 1915+105. The observed flux from it

*E-mail: aal@hea.iki.rssi.ru
1063-7737/03/2911-0719$24.00 c©
was 20 mCrab in the energy ranges 15–40 and 40–
100 keV (Lutovinov et al. 2003a). To try to under-
stand the nature of the newly discovered sources, they
were almost immediately observed from the RXTE
observatory, which has high sensitivity in the soft
energy range (3–20 keV) and large capabilities for
spectral and temporal analyses of the objects under
study. In this paper, we present the results of these
observations.

ANALYSIS OF THE OBSERVATIONS AND
RESULTS

The sources IGRJ17091−3624 and IGRJ18539+
0727 were observed by the RXTE observatory (Bradt
et al. 1993) onApril 20.5 and 26.1, 2003, respectively.
The effective exposure time of the observations was
2 and 3.2 ks, respectively. The RXTE/PCA data
were processed by using the standard FTOOLS/
LHEASOFT 5.2 software package. The L7_240
model was used to simulate the RXTE/PCA instru-
mental background. To increase the sensitivity at
energies above 10–15 keV, we used the data from
all the PCA anode layers in our analysis. Since the
sources are faint, they are not detectable by the
HEXTE spectrometer (15–250 keV). The standard
XSPEC package (http://xspec.gsfc.nasa.gov) was
used for spectral fitting.
The PCA spectrometer collects X-ray photons

from an area of 1 square degree without being able
to distinguish background X-ray photons from pho-
tons of the source proper. When studying sources
located in the Galactic plane, the Galactic ridge
emission can significantly contribute to the observed
2003 MAIK “Nauka/Interperiodica”
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Fig. 1. The RXTE 3–20-keV light curves of the sources (a) IGR J17091−3624 and (b) IGR J18539+0727. Each point
corresponds to a time bin of 16 s. The estimated contribution of the Galactic ridge emission was subtracted. Time, in seconds
from the beginning of the observation (given for each observation in TJD), is along the horizontal axis.
flux. In the Galactic-center region, at a Galactic
latitude of ∼2◦, where the source IGR J17091−3624
is located, the flux of the Galactic ridge emission
within the PCA field of view is ∼0.5-0.6 mCrab
in the energy range 3–20 keV (see Valinia and
Marshall 1998; Revnivtsev 2003). The observed flux
from IGR J17091−3624 in the same energy range
is ∼4 mCrab; i.e., it is only a factor of ∼8 higher
than the background flux from the Galactic ridge.
Therefore, we should be very cautious when per-
forming the spectral analysis and take into account
the contribution from the emission lines that are
present in the background spectrum to the observed
spectrum of the source. At an angular distance of
∼40◦ from the Galactic center, at which the source
IGR J18539+0727 is located, the contribution of the
Galactic ridge emission is much smaller (∼2–5% of
the source’s flux).

IGR J17091−3624. The light curve of the source
for the entire observation of April 20, 2003, is shown
in Fig. 1a. As follows from this figure, its intensity
throughout the observation was relatively constant
at a level of ∼4 mCrab (the contribution from the
Galactic ridge emission to the RXTE/PCA flux was
subtracted). Since the source is faint, the uncertainty
in its fractional rms is large: the fractional rms in
the 0.01–10-Hz frequency band measured from the
ASTRONOMY LETTERS Vol. 29 No. 11 2003
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light curve is 27 ± 3% (when calculating the rms,
we corrected it for the contribution of the Galactic
ridge emission to theRXTE/PCA flux). In the power-
density spectrum (Fig. 2a), we found no features as-
sociated with quasi-periodic flux oscillations, and, in
general, it is well described by the standard model of
band-limited noise commonly observed in X-ray bi-
nary systems in the low/hard spectral state (see, e.g.,
Sunyaev and Revnivtsev, 2000). When the power-
density spectrum is described by a function of the
ASTRONOMY LETTERS Vol. 29 No. 11 2003
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Fig. 3. (a) The spectrum of IGR J17091−3624. The
dots with error bars (1σ) indicate the observed spec-
trum; the solid curve represents the model of the observed
RXTE/PCA spectrum contributed by the source proper
and the model of the ridge emission background (dashed
curve). (b) The spectrum of IGR J18539+0727. The dots
with error bars (1σ) indicate the observed spectrum; the
solid curve represents the best-fit model. The ridge emis-
sion background was disregarded, because its contribu-
tion was small.

form dP ∝ 1/(1 + (f/f0)2)df , the derived character-
istic cutoff frequency is f0 = 0.31 ± 0.04 Hz.
Figure 3a presents the energy spectrum of the

source IGR J17091−3624 averaged over the whole
observation, in units of keV2 s−1 cm−2 keV−1. The
solid line indicates the model power-law energy de-
pendence of the photon flux (dN/dE ∝ E−Γ) with the
iron emission line at 6.4 keV that best fits the data
obtained. The dashed line illustrates the estimated
contribution of the Galactic ridge emission based on
the measurements by Revnivtsev (2003). As we see
from Fig. 3a, the relatively large contribution of the
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Galactic ridge emission to the PCA spectrum does
not allow us to reliably measure the parameters of
the observed emission line. It may completely owe
its origin to the effect of background photons. The
spectral best-fit parameters are given in the table.

IGR J18539+0727. The light curve of the source
IGR J18539+0727 in the energy range 3–20 keV is
shown in Fig. 1b. This source is brighter than the
above source, and its large aperiodic flux variability
is clearly seen. For clarity, we connected the points in
the figure by a histogram.

Figure 2b shows the power-density spectrum of
the light curve for the source. As in IGR J17091−
3624, it can be well fitted by the standard model used
to describe the variability of X-ray binary systems
in the hard/low spectral state. The higher sensi-
tivity compared to IGR J17091−3624 allowed us
to detect a second band-limited noise component.
Fitting these two components by a model of the
form dP1,2 ∝ 1/(1 + (f/f1,2)2)df yields the cutoff
frequencies f1 = (5.3 ± 0.5) × 10−2 Hz and f2 =
1.3 ± 0.2 Hz. The fractional rms attributable to the
low- and high-frequency components is ∼39% and
∼46%, respectively. The total rms of the source in the
broad frequency range 0.005–20 Hz is 45 ± 2%.

Figure 3b presents the energy spectrum of the
source averaged over all observations. Since
IGR J18539+0727 is much farther from the Galactic
center than IGR J17091−3624 and lies more than
half a degree further from the Galactic plane, the
contribution of the Galactic ridge emission to the
total PCA flux is insignificant. As was said above, it
is ∼2–5% of the total flux. To fit the spectrum of the
source, we used the same model as in the previous
case: a power-law decrease of the photon flux density
modified by neutral photoabsorption at low energies.
The presence of an emission (fluorescent) line in the
spectrum may be due to the reflection of the hard
X-radiation of inner accretion-flow regions from an
optically thick, cold accretion disk (see, e.g., Basko
et al. 1974). However, since the source is faint
and the exposure time of the observations being
analyzed is short, our sensitivity to the presence of
the reflected/reprocessed component proper (con-
tinuum) is greatly limited. The upper limit on the
possible presence of the reflected continuum (the
pexrav model of the XSPEC package, Magdziarz
and Zdziarski 1995) is Ω/2π < 0.3, where Ω is the
solid angle shadowed by the reflecting surface. The
power-law best-fit parameters for the spectrum of the
source are given in the table.
DISCUSSION

Over the several months that have elapsed since
the beginning of its in-orbit operation, the IN-
TEGRAL observatory has discovered several new
sources with similar properties; these sources may be
arbitrarily called weak hard transients: IGR J17091−
3624 (Kuulkers et al. 2003), IGR J18539+0727 (Lu-
tovinov et al. 2003a), IGR J18325−0756 (Lutovinov
et al. 2003b), IGR 17597−2201 (Lutovinov et al.
2003c), and IGR J18483−0311 (Chernyakova et al.
2003). In this case, the term “hard” means that all
these sources, despite their low fluxes, were signif-
icantly detected by INTEGRAL in the hard energy
range 40–100 keV. In this paper, we studied the
spectral and temporal characteristics of two of these
sources, IGR J17091−3624 and IGR J18539+0727,
observed by RXTE in the energy range 3–20 keV
several days after their discovery by INTEGRAL.
The spectra of the sources are well described by a
power-law decrease of the photon flux with energy
(dN(E) ∝ E−ΓdE). Because of the proximity of
IGR J17091−3624 to the Galactic center and the ap-
preciable influence of Galactic ridge emission, which
contains a number of lines near 6–7 keV, the lines in
its spectrum cannot be studied. However, the fluores-
cent line of neutral iron at energy ∼6.4 keV is clearly
detectable in the spectrum of IGR J18539+0727
(Fig. 3b, the table). This fluorescent line is commonly
observed in binary systems in their hard spectral
state, and its origin is associated with the reflection
of the hard X-ray radiation of inner accretion-flow
regions from an optically thick accretion disk (see,
e.g., Basko et al. 1974; Gilfanov et al. 1999).
Both sources exhibit a large variability on time

scales from several tenths of a second to several
tens of seconds. The parameters of the energy and
power-density spectra for the sources allow them to
be reliably classified as X-ray binary systems in the
low/hard spectral state. The significant radio activity
of IGR J17091−3624 (Rupen et al. 2003) is an indi-
rect, although ambiguous confirmation of this classi-
fication (Fender and Hendry 2000). The parameters
of the power-density spectra for the sources have
long been the subject of discussion in connection
with the possibility of determining from them the
nature of the compact object (Wijnands and van der
Klis 1999; Sunyaev and Revnivtsev 2000). It has been
shown many times that the light curves of X-ray
binary systems with neutron stars in the low spectral
state contain predominantly higher-frequency vari-
ability than do binary systems with black holes. The
power-density spectra at high frequencies allow us
to introduce a stringent criterion for distinguishing
between neutron stars and black holes. However,
as yet there are no such stringent criteria for dis-
tinguishing between neutron stars and black holes
ASTRONOMY LETTERS Vol. 29 No. 11 2003
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Best-fit parameters for the spectra of IGR J17091−3624 and IGR J18539+0727

Parameter IGR J17091−3624a IGR J18539+0727

Absorption column densityNHL, 1022 cm−2 <1 1.5 ± 0.4

Photon index Γ 1.43 ± 0.03 1.47 ± 0.05

Emission-line energy, keV −b 6.4 ± 0.1

Linewidth, keV −б <0.3

Equivalent width EW, eV −b 135 ± 25

Flux (3–25 keV), 10−10 erg s−1 cm−2 1.0 1.8

a When fitting the spectrum of IGR J17091−3624, we subtracted the contribution of the Galactic ridge emission background. The
background was normalized to a 3–20-keV flux of∼1.9×10−11 erg s−1 cm−2/(the PCA field of view), which roughly corresponds to
the results by Revnivtsev (2003).
b Because of the Galactic ridge emission, we cannot say with confidence whether the emission line is present near 6–7 keV in the
source’s spectrum.
using the parameters of the power-density spectra at
low frequencies. Studies indicate that neutron stars
usually (predominantly) have no power-density spec-
tra with a lower cutoff frequency below ∼0.1 Hz
(Wijnands and van der Klis 1999). In our case, the
power-density spectrum of IGR J18539+0727 has
a characteristic cutoff frequency much lower than
this empirical boundary. Therefore, we may assume
with confidence that IGR J18539+0727 is a black-
hole candidate. The characteristics of the other source
(IGR J17091−3624) do not allow us to unambigu-
ously make this assumption, although the significant
radio flux detected from it (Rupen et al. 2003) to-
gether with the observed hard X-ray radiation can
be an argument for this assumption (Fender 2001).
Nevertheless, to ultimately elucidate the nature of the
compact object in the above systems requires further
observations, primarily an optical identification of the
companion stars and a measurement of the mass
functions for the systems.
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Abstract—We found the equilibrium conditions for a self-gravitating toroidal vortex by taking thermal
pressure into account. These conditions are shown to significantly differ from those for a disk or a sphere.
The evolution of a thin vortex turns it into a compact vortex that loses mechanical stability for low masses
at a polytropic index γ < 4/3 but retains stability for sufficiently high masses and densities determined by
the velocity circulation in the vortex. c© 2003 MAIK “Nauka/Interperiodica”.

Key words: self-gravitating toroidal vortex, equilibrium conditions, gravitational collapse.
INTRODUCTION

Obviously, the physical stability conditions for a
self-gravitating vortex torus (Fig. 1) fundamentally
differ from those for a disk. First of all, the constancy
of the circulation Γ = 2πrv in the vortex results in
maximum velocity at the smallest (inner) radius of the
torus, and the condition imposed by it on the angu-
lar velocity Ω (r) = Γ/2πr2 results in the absence of

epicyclic frequency [ν (r)]2 =
1
r3

d

dr

[
r2Ω (r)

]2
in the

main approximation.Whereas during the rotation of a
disk or a sphere, the detaching particles escape from
the equator (to form an additional disk in the case of
a sphere), the particles in a toroidal vortex detach at
the minimum radius and escape to form a one-sided
jet1 even in the absence of a magnetic field (Bliokh
and Kontorovich 2003; Shatskiı̆ and Kardashev 2002;
Spivey 2000; Ansorg et al. 2002). In addition to the
detachment due to particle collisions in the vortex
torus, which is facilitated by the self-intersecting tra-
jectories in the effective potential of the vortex (Bliokh
and Kontorovich 2003), the particles can be effectively
accelerated along the torus axis by the induction field
in the case of a magnetized torus (Shatskiı̆ and Kar-
dashev 2002).

*E-mail: vkont@ira.kharkov.ua
1The excitation of a unidirectional flow by a magnetized ro-
tating torus was considered by Bisnovatyi-Kogan (1989) as
a possible formation mechanism of cosmic jets (Ustyugova
et al. 2000). For a qualitative association of one-sided jets
changing direction with rotating binary galactic nuclei, see
Zhuravlev and Komberg (1999).
1063-7737/03/2911-0724$24.00 c©
The discovery of obscuring tori (see the review by
Antonucci 1993) and their direct observation both in
galactic (Risaliti et al. 2003) and stellar objects (see
Bogovalov and Khangulyan (2002) for references)
makes the problem of studying gravitating toroidal
vortices particularly relevant. As far as we know, this
problem has not been considered until recently (for
references, see Bliokh and Kontorovich (2003), who
made the first attempt). In this paper, we extend our
results to finite temperatures and take into account
the effects of thermal pressure. As we will see below,
this will affect the equilibrium and collapse condi-
tions.

EQUATIONS OF MOTION

Previously, based on Hamiltonian dynamics, we
derived the equations that described the evolution of

 

ϕ

 

r

R

Fig. 1. A thin toroidal vortex. The arrows indicate the
directions of the streamlines that produce the velocity
circulation.
2003 MAIK “Nauka/Interperiodica”
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a thin self-gravitating toroidal vortex:

r̈ =
p2

ϕ

M2r3
−G

M

πRr
, R̈ = −G M

πR2
ln
αr

R
. (1)

Here, r andR are the small and large radii of the torus,
M is the total vortex mass,G is the gravitational con-
stant, α ∼ 1 is a numeric factor, and pϕ = Mr2ϕ̇ =
const is the angular momentum of the matter (ϕ is
the cyclic rotation coordinate at the small radius).

To introduce the thermal pressure forces into the
equations of motion (1), we note that the virtual
work done by the external forces against the pressure
force is

δA = −δE = pδV, (2)

where p is the pressure in the vortex, and V is the
vortex volume (below, we disregard the distribution of
matter and pressure at the small torus radius while
ignoring the factors of the order of unity in the for-
mulas). Since the torus volume is V = 2π2r2R, we
obtain from (2)

−δE = 4π2rRpδr + 2π2r2pδR. (3)

Hence, we find the forces acting along the r andR co-
ordinates Fr = −δE/δr and FR = −δE/δR and, ac-
cordingly, the additional terms in the pressure forces
in (1):

r̈ =
p2

ϕ

M2r3
−G

M

πRr
+

p

M
4π2Rr, (4)

R̈ = −G M

πR2
ln
αr

R
+

p

M
2π2r2.

To relate the pressure to the vortex parameters,
we must invoke the equation of state for the matter
and the vortex evolution. We assume that the gas
is perfect and that the compression (expansion) is
polytropic. Introducing the initial temperature of the
matter T0, the initial vortex parameters r0 andR0, and
the mass of one gas particlem0, we then obtain

p =
p0V

γ
0

V γ
=

MT0

m0

(
2π2r2

0R0

)γ−1

(2π2r2R)γ
.

Substituting this expression into (4), we obtain in-
stead of (1)

r̈ =
p2

ϕ

M2r3
−G

M

πRr
+

T0

m0

2
(
r2
0R0

)γ−1

r2γ−1Rγ−1
, (5)

R̈ = −G M

πR2
ln
αr

R
+

T0

m0

(
r2
0R0

)γ−1

r2γ−2Rγ
.
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Fig. 2. Schematic evolution of a vortex without thermal
pressure (Bliokh and Kontorovich 2003).

EQUILIBRIUM CONDITIONS

As previously, we assume that for a thin torus (r �
R), the evolution (Fig. 2) at the small radius is much
faster than it is at the large radius, and that a quasi-
equilibrium state in r is initially established. This state
is determined by the fact that the force on the right-
hand side of the first equation (5) vanishes:

p2
ϕ

M2r3
−G

M

πRr
+

T0

m0

2
(
r2
0R0

)γ−1

r2γ−1Rγ−1
= 0. (6)

This equation is not solvable directly, and implic-
itly specifies the relation r (R). However, if we intro-
duce the linear mass per unit length of the torus ring
χ = M/2πR, the mean density ρ = M/2π2r2R, and
the velocity circulation Γ = 2πpϕ/M and consider (6)
as the equation for the linear Jeans mass χ (ρ), then
an explicit expression follows from it:

χ (ρ) =
T0

2Gm0

ργ−1

ργ−1
0

{
1 +

√
1 + ξρ3−2γΓ2

}
, (7)

where ξ =
G

2π

(
m0ρ

γ−1
0

T0

)2

.

Since χ = πr2ρ, it is convenient to consider for-
mula (7) in the same way as the formula for the small
vortex radius in the equilibrium conditions at the first
evolutionary stage.

Equating χ (ρ) = χ and inverting relation (7)
yields an equation for the equilibrium density at the
specified linear mass χ and velocity circulation Γ.
Without analyzing χ (ρ) for reasons of space, we note
that an equilibrium solution always exists (Fig. 3) if
the density does not exceed ρ∗:

ρ < ρ∗ = (f∗/2)
1

γ−1 , (8 )́
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Fig. 3. The right-hand side of Eq. (8) for a thin toroidal
vortex versus its density.

where f∗ = νχ is proportional to the linear mass of

the vortex, ν = 2G
(
m0ρ

γ−1
0 /T0

)
.

In this case, the equilibrium density satisfies the
transcendental equation

ξΓ2 =
f∗
(
f∗ − 2ργ−1

)
ρ

, (8)

whose right-hand side degenerates into a hyperbola
for γ = 1 or into a hyperbola shifted in the vertical axis
for γ = 2.

Once the local equilibrium (6) has been estab-
lished, the vortex will slowly evolve at the large radius
R with the conservation of the relation r (R). If the
force on the right-hand side of the second equation (5)
is assumed to be negative, then the contraction will
continue until this force vanishes:

−G M

πR2
ln
αr

R
+

T0

m0

(
r2
0R0

)γ−1

r2γ−2Rγ
= 0. (9)

If the thermal pressure forces are small compared
to the centrifugal forces, then the first two terms in
(6) compete, and the thermal pressure is also low
compared to the gravitational forces. In this case, we
obtain the square-root dependence r ∼

√
R consid-

ered previously (Bliokh and Kontorovich 2003). The
contraction at the large radius gradually overtakes the
contraction at the small radius, and there comes a
time when they become of the same order of mag-
nitude, r ∼ R. This order-of-magnitude relation also
corresponds to equilibrium (9): in this region, the
gravitational force is balanced by an arbitrarily weak
thermal pressure, because the logarithm is small. If,
however, the thermal pressure forces are large com-
pared to the centrifugal forces, then the last two terms
in (6) compete. As can be easily seen, their balance
corresponds to the equilibrium condition (9), where
ln (αr/R) ∼ 1. Obviously, this case also corresponds
to r ∼ R.

Thus, irrespective of the thermal pressure, the vor-
tex equilibrium is established in the region where both
torus radii become of the same order of magnitude:
r ∼ R. Using dependence (6), we obtain the following
equation for the equilibrium parameters:

p2
ϕ

M2R3
−G

M

πR2
+

T0

m0

2
(
r2
0R0

)γ−1

R3γ−2
= 0. (10)

This equation defines the characteristic radius R of
a compact vortex that came to an equilibrium: the
balance between the compressing gravitational forces
and the extending centrifugal and thermal pressure
forces.2

Equation (10), like (6), is not explicitly solvable
forR. We may consider two limiting cases. When the
pressure forces are small (the first term is much larger
than the third term), we come to the equilibrium
between the gravitational and centrifugal forces con-
sidered previously (Bliokh and Kontorovich 2003). In
this case,

R ∼
p2

ϕ

GM3
. (11)

In the opposite limit, when the centrifugal forces are
small (the first term in (10) is much smaller than the
third term), we come to the equilibrium between the
gravitational and pressure forces:

R3γ−4 ∼
T0

(
r2
0R0

)γ−1

GMm0
∼ T0V

γ−1
0

GMm0
. (12)

The limiting value of (11) is obtained for the parame-
ters that satisfy

T0V
γ−1
0

m0

G3γ−5M9γ−13

p6γ−8
ϕ

� 1, (13)

while the limiting value of (12) is obtained for the
inverse inequality.

2Actually, in the region r ∼ R, the initial approximation of
a thin ring torus and the separation of evolution scales in
r and R becomes invalid. Here, we must consider a single
compact object that resembles the Hill vortex rather than the
Maxwell vortex. This can be easily done by analogy with our
previous study (Bliokh and Kontorovich 2003) by including
the pressure forces for a spheroidal vortex, as above. How-
ever, in this case, we obtain an equation that differs from
(6) only by factors of the order of unity, which are anyway
unimportant in our rough analysis. Therefore, we omit here
these calculations.
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ANALYSIS OF THE EQUILIBRIUM
CONDITIONS: EQUILIBRIUM AND
NONEQUILIBRIUM JEANS MASSES

In the equilibrium equation (10), we change from
the radius R and the angular momentum pϕ to the
density ρ ∼ M/R3 and the circulation Γ = pϕ/M .
Equation (10) then transforms into an equation for
the generalized Jeans massM (ρ):

GM4/3 − T0

m0

ργ−4/3

ργ−1
0

M2/3 − Γ2ρ1/3 = 0, (14)

where we omit the dimensionless factors of the order
of unity, which will be restored below. Solving the
equation yieldsM2/3 (ρ):

νM2/3 (ρ) = ργ−4/3
[
1 +

√
1 + ξρ3−2γΓ2

]
,

where ν =
2Gm0ρ

γ−1
0

T0
, ξ = 4G

(
m0ρ

γ−1
0

T0

)2

.

The equilibrium states are defined by the equality
M = M (ρ), where M is the vortex mass. Let us
analyze the functionM2/3 (ρ) and ascertain whether
stable equilibrium states can exist.

The equation dM2/3 (ρ) /dρ = 0 with γ < 4/3
gives only one extremum (minimum) of the function
M (ρ):

ρ3−2γ
c = 36

(
γ − 4

3

)(
γ − 5

3

)/
ξΓ2. (15)

For γ > 5/3, there is also a positive root, but it is
redundant, as can be seen from the derivation of for-
mula (15) (see Appendix A). The value of M2/3

c ≡
M2/3 (ρc) for γ < 4/3 is

M2/3
c =

T0

2Gm0

ρ
γ−4/3
c

ργ−1
0

(16)

×
[
1 +

√
1 + 36

(
γ − 4

3

)(
γ − 5

3

)]
.

Note that for γ → 4/3 ρc → 0, and to calculate

M
2/3
c , we must evaluate the indeterminate form

limx→0+ x−x = 1. As a result, for γ → 4/3, M2/3
c →

T0/Gm0ρ
γ−1
0 . As we see, whereas for γ > 4/3, the

function M2/3 (ρ) monotonically decreases with in-
creasing density and there is a solution that describes
an equilibrium vortex for any mass, for γ ≤ 4/3, a gap
in masses emerges. The equilibrium is possible only
for masses larger than some critical mass (16). For
γ < 4/3, this critical mass depends on the circula-
tion Γ.
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polytropic index γ < 4/3. The ascending branch Fγ (ρ >
ρc) is stable and is determined by the circulationΓ.

Here, we see a significant difference from the grav-
itational contraction of a nonrotating body, for which
no stable equilibrium states are known to exist for
γ < 4/3.

For vortex masses higher than the critical massMc

that corresponds to the minimum of M (ρ), there
are two solutions (Fig. 4). One of them is unstable
at densities lower than ρc and corresponds to the
intersection of the descending branch of the function
M (ρ) by the level of a given mass M . It is similar
to the collapse of a nonrotating mass: the Jeans
mass decreases with increasing density, causing the
contraction to continue.

In contrast, at densities higher than ρc, a sta-
ble state is realized: the Jeans mass increases as it
contracts, and no collapse takes place. This equi-
librium state is essentially determined precisely by
the rotation of matter in the vortex: the asymptotics
of M2/3 (ρ) at high densities is M2/3 (ρ) ∝ Γρ1/6

(ρ → ∞).

OBTAINING THE RESULTS FROM
EVALUATION CONSIDERATIONS AND

OTHER APPROACHES

Here, as in our previous paper (Bliokh and Kon-
torovich 2003), we made good use of the approach of
classical Hamiltonianmechanics to solve the problem
of the evolution of a toroidal vortex. In this section,
we show that the results obtained from the mechan-
ical model can also be obtained from dimension and
similarity considerations. In addition, in Appendix B,
we show that the hydrodynamic allowance for the
thermal pressure yields the same results.

Let us first return to a cold system and consider the
final evolutionary stage, when the small and large vor-
tex radii become equal in order of magnitude. In this
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case, the number of defining parameters decreases
to the extent that the characteristic radius R can be
determined from the dimension considerations alone.
Indeed, such parameters are the conserved mass M
and circulation Γ (or angular momentum pϕ = MΓ)
as well as the gravitational constant G that deter-
mines the interaction mechanism (self-gravitation).
From these quantities, we can construct only one
quantity with the dimension of length, which can be
naturally identified with the Jeans length

λ =
Γ2

GM
. (17)

Formula (17) is identical to the expression for the
equilibrium radius of a compact cold vortex (Bliokh
and Kontorovich (2003), formula (23)) if Γ is taken to
mean the circulation divided by 2π.

Let us now turn to the early evolutionary stage of
a cold vortex, when it is a thin (r � R) torus with
the local quasi-equilibrium dependence r = r (R).
The latter can be derived from the balance between
the gravitational (GM/R) and centrifugal (p2

ϕ/2Mr2)
energies:

r2 ∼ Γ2

GM
R = λR. (18)

Thus, λ̃ =
√
λR acts as the Jeans scale for the small

radius. Formula (18) is again identical, to within
a factor of about unity, to that derived previously
(Bliokh and Kontorovich (2003), formula (14)). The
square-root dependence r ∼

√
λR is related to the

corresponding coordinate dependences: ∝ 1/R for
gravitation and ∝ 1/r2 for centrifugal energy. As R
decreases, r → R, and we observe the transition to
the final evolutionary stage, λ̃ → λ, in accordance
with what was said above.3

Let us now take into account the thermal motion
in the problem under consideration. Restricting our
analysis to the late evolutionary stage, when only one
scale with the dimension of length is available, we
substitute in (17)

v2 → v2 + v2
T , (19)

where v is the regular velocity, and vT is the thermal
velocity. Since Γ2 = R2v2, the following change will
occur in λ:

λ → Γ2 +R2v2
T

GM
. (20)

3Note that the inner radius (the radius of the hole of a compact
vortex torus that is the difference between the quantities of
the same order of R) cannot determined by such a rough
analysis. Meanwhile, its knowledge is of crucial importance
in solving the problem of jet formation and torus collapse.
The equilibrium equation R = λ now transforms
into an equation for R that, after substituting the
equations of state for an ideal gas v2

T ∝ T and a
polytropic process T ∝ ργ−1 into (20), is identical (to
within factors of about unity) to Eq. (10). We also see
that for given circulation and temperature, there is a
lower limit on the equilibrium mass:

MJ ≥ 2ΓvT

G
. (21)

The equilibrium condition for a toroidal vortex is
derived from hydrodynamic equations in Appendix B.
In our derivation, we use an analogy with the Jeans
dispersion relation for heavy sound:

ω2 = (kvT )2 − ω2
J , ω2

J = 4πGρ0, (22)

by extending it to the case where there is a regular
motion at velocity v:

ω2 = k2
(
v2
T + v2

)
− ω2

J . (23)

Since such generalizations have long been used for
a disk (Pikel’ner 1976; Saslaw 1985; Tassoul 1978),
we immediately note the difference. The disk geom-
etry changes ωJ by a factor of

√
2; in addition, the

dispersion relation for a disk contains an epicyclic
frequency. In our case, this frequency is absent, as
was noted in the Introduction. Note also that the
dispersion relation (23) contains no term linear in v
(responsible for the Doppler effect), because the radial
oscillations in the torus tube under consideration (see
Appendix B) and the regular velocity are orthogonal
to each other.

CONCLUSIONS
In the case under consideration, there are no

epicyclic oscillations, because the velocity circulation
is constant, which, together with the coordinate
independence of the density, significantly simplifies
the problem and makes possible the closed analytical
study of it presented here. The possible appearance
of jets that carry away the angular momentum must
result in the continuation of contraction and collapse
even in situations that are stable from the viewpoint
of our analysis.

The relativistic generalizations of the problem un-
der discussion, as well as our study, can be useful in
astrophysical applications (from young stellar objects
and supernovae to active galactic nuclei) in which
self-gravitation and rotation are important. It may
also be important to take into account the orbital
rotation of the torus and the presence of a central
mass, the influence of which was ignored in this paper
(see Bliokh and Kontorovich (2003) for remarks).
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APPENDIX A

FINDING THE EXTREMUM
OF THE FUNCTION M(ρ)

Let us determine the derivative dM2/3 (ρ) /dρ
from (14) and set it equal to zero:

dM2/3 (ρ)
dρ

=
(
γ − 4

3

)
ργ− 4

3
−1
(
1 +

√
1 + ξΓ2ρ3−2γ

)

+ ργ− 4
3
ξΓ2 (3 − 2γ) ρ3−2γ−1

2
√

1 + ξΓ2ρ3−2γ
= 0.

Canceling by ργ− 4
3
−1 and gathering the terms, we

obtain

−2
(
γ − 4

3

)√
1 + ξΓ2ρ3−2γ = 2

(
γ − 4

3

)

+
1
3
ξΓ2ρ3−2γ .

We see that for γ > 4/3, the equality is impossi-
ble, because the signs of the right- and left-hand
sides differ. Let us introduce z ≡ ρ3−2γ . For γ < 4/3,

the equality is possible if 2
(
γ − 4

3

)
+

1
3
ξΓ2z > 0.

After squaring, we find the solution

zc =
36 (γ − 4/3) (γ − 5/3)

ξΓ2
,

which we can use for 4/3 > γ > 4/3 − ξΓ2z/2, ac-
cording to the above conclusion. As can be easily
verified, the derived value of zc satisfies the required
inequality.

APPENDIX B

A HYDRODYNAMIC APPROACH
TO THE PROBLEM

Let us first derive the dispersion relation for acous-
tic waves in a thin self-gravitating gaseous ring by
replacing it by a cylinder with periodic boundary con-
ditions at its ends. The basic equations are the hydro-
dynamic equations in a self-consistent gravitational
field:

∂v
∂t

+ (v∇)v = −1
ρ
∇p−∇φ, (B1)

∂ρ

∂t
+ divρv = 0, ∆φ = 4πGρ.

We assume the unperturbed density ρ0 to be inde-
pendent of the coordinates; i.e., we ignore the effect
ASTRONOMY LETTERS Vol. 29 No. 11 2003
of the unperturbed potential φ0, which seems quite
justified for a thin torus. For purely radial modes, we
then obtain the equation

∂

∂r

1
r

∂

∂r
(rṽr) +

ω2 + ω2
J

c2s
ṽr = 0. (B2)

Here, ṽr is the perturbed radial velocity, ω is the
oscillation frequency, ωJ =

√
4πGρ0 is the Jeans fre-

quency, and cs is the speed of sound. Ther substitu-

tion

√
ω2 + ω2

J

cs
r → z reduces Eq. (B2) to the Bessel

equation

z2∂
2v

∂z2
+ z

∂v

∂z
+
(
z2 − 1

)
v = 0

for v(z) = ṽr(r(z)). The solution J1(z) corresponds
to the zero boundary conditions on the cylinder if the
following condition is satisfied:√

ω2 + ω2
J

cs
r0 = j1,

where j1 is the first zero of the function J1(z), and r0
is the cylinder radius. Thus, the dispersion relation is

ω2 =
c2s
r2
0

j21 − ω2
J . (B3)

We have omitted the mode index for the frequency;
obviously, we can also choose another oscillation
mode. However, because of the inequalities for the
eigenvalues of the Sturm–Liouville problem, only
the contribution of the fundamental nodeless mode
is important in studying the stability.

The dispersion relation (B3) includes the finite
temperature, but without the vortex motion of matter
in the torus. In contrast, the equilibrium conditions at
the small radius in a thin vortex obtained previously,

r =

√
πp2

ϕR

GM3
, (B4)

include only the regular vortex motion. To take into
account the two factors, we note that condition (B4)
can be rewritten as

2Γ2

πr4
− ω2

J = 0. (B5)

Thus, comparing (B5) and (B6), we can easily write
the equilibrium condition ω2 = 0 with thermal pres-
sure in the general case of interest to us:

2Γ2

πr4
+
c2s
r2
j21 − ω2

J = 0. (B6)

The corresponding “dispersion” relation contains ω2

instead of zero on the right-hand side. Therefore, the
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negativity of the left-hand side of (B6) corresponds to
the instability (ω2 < 0).

If we express ω2
J in terms of the vortex mass and

radii, then, after several simple transformations, we
can derive an expression for the equilibrium small
radius of the torus:

r2 =
4Γ2/π3

GM
πR − 2c2s j21

. (B7)

Since cs = cs (T ), for isothermal compression, (B7)
is the final expression for the quasi-equilibrium
small radius that acts as the Jeans scale. We see
that an allowance for finite temperature causes an
increase in the Jeans scale (which tends to ∞ as
2πc2sJ2

1 → GM/R) and, accordingly, a deviation from
the square-root dependence r ∝

√
R that arises at

T = 0. Since, in general, cs indirectly depends on
r, (B7) is not the solution for r (R), but must itself
be considered as an equation. Multiplying (B7) by
2π2Rρ, we obtain an equation for the Jeans mass
χ (ρ) per unit length of a thin torus χ ≡ M/2πR that
describes the first evolutionary stage of the vortex;

for its solution, see in (7) at ν =
2G
ζστ

, ξ =
32G

(πζστ)2
,

where σ =
c2s
T

and τ =
T

ργ−1
.

To within factors of about unity, formulas (B6)
and (B7) are identical to the local equilibrium con-
dition (6) when the equation of state for an ideal
gas c2s ∝ T and a polytropic process T ∝ ργ−1 are
substituted into them. If we set r = εR (ε < 1), then
(B6) will naturally lead us to the equilibrium condition
(10) and solution (14) for the Jeansmass of a compact
vortex at

µ = (2/π)1/3G/κ, ξ = 8G/(κεπ)2, (B8)

κ = ζcs
2ρ1−γ .

Thus, both the mechanical and hydrodynamic ap-
proaches to the problem under consideration yield
identical (within the accuracy under discussion)
equations and results.
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Abstract—We present the monitoring results for the H2O maser toward the infrared source
IRAS 06308+0402 associated with a dense cold molecular cloud. The observations were carried out with
the 22-m radio telescope at the Pushchino Radio AstronomyObservatory (Russia) during 1992–2003. The
H2O maser was discovered in May 1992 (Pashchenko 1992) during a survey of IRAS sources associated
with dense cold clouds with bipolar molecular outflows. The H2O spectrum contains many emission
features, suggesting the fragmentation of the envelope around a young star. The star has a low peculiar
velocity relative to the CO molecular cloud (∼2.2 km s−1). We found a cyclic variability of the total maser
flux with a period from 1.8 to 3.1 yr. c© 2003 MAIK “Nauka/Interperiodica”.

Key words: interstellar medium, gaseous nebulae, stars—structure and evolution.
INTRODUCTION

H2O and OH masers in regions of active star for-
mation can be associated with compact far-infrared
sources (Wynn-Williams et al. 1972; Evans et al.
1979) located in dense cold clouds. Because of the
strong absorption in the cloud, the protostar is unob-
servable in the visible wavelength range. The stellar
emission is absorbed by gas and dust and is reradiated
in the far infrared with a thermal spectrum. Thus,
for example, the source IRAS 06308+0402 radiates
intensely in the far infrared, where its flux density is
602 Jy at 80 µmand 948 Jy at 100 µm. Themolecular
cloud associated with it has a temperature of ∼40 K
and is observed in the CO radio line at a radial velocity
of 15.8 km s−1 (Wilking et al. 1989). There is weak
emission at 2 and 6 cm (Wilking et al. 1989). The
distance to IRAS 06308+0402 is estimated to be
1.6 kpc (Turner 1976). The source is associated with
a bipolar outflow. All of the above facts suggest that
IRAS 06308+0402 is very young object.
An attempt to detect the H2Omaser emission was

made by Palla et al. (1991). They found no emission
in the 1.35-cm line with a flux higher than 3.5 Jy. In
May 1992, an H2O maser emission source that co-
incided in position with IRAS 06308+0402 was de-
tected during a survey of IRAS sources (Pashchenko

*E-mail: pachenko@sai.msu.ru
**E-mail: lekht@sai.msu.ru;lekht@inaoep.mx
1063-7737/03/2911-0731$24.00 c©
1992). Its spectrum consisted of two emission peaks.
The main peak had a radial velocity of 17 km s−1 and
a flux density of about 50 Jy. This maser has been
monitored in the 1.35-cm line since 1992. Xiang and
Turner (1995) also observed theH2Omaser emission.
Their measurements showed that the maser is at an
angular distance of 1′ from IRAS 06308+0402 and is
associated with a bipolar molecular outflow.
In this paper, we present the results of our moni-

toring of the H2O maser toward IRAS 06308+0402
during 1992–2003.

OBSERVATIONS AND DATA
PRESENTATION

We observed the H2O maser emission toward
the source IRAS 06308+0402 (α1950 = 06h30m52s.7,
δ1950 = 4◦02′27′′) with the 22-m RT-22 (Pushchino)
radio telescope from May 1992 through January
2003. The mean interval between our observations
was about 2.2 months. The noise temperature of the
system with a cooled input FET amplifier was 150–
230 K. In 2000, the radiometer was upgraded, which
allowed us to decrease the system noise temperature
to 100–130 K. We analyzed the signal spectrum
with 96-channel and, from July 1997 onward, 128-
channel filter-bank spectrum analyzers with a reso-
lution of 7.5 kHz (0.101 km s−1 in radial velocity in
the 1.35-cm line). For a point source with unpolarized
emission, an antenna temperature of 1 K corresponds
2003 MAIK “Nauka/Interperiodica”
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Fig. 1. Spectra of the H2Omaser emission toward the infrared source IRAS 06308+0402 obtained in 1992–2003. The vertical
arrows indicate the scale in janskys. Velocity with respect to the Local Standard of Rest is along the horizontal axis.
to a flux density of 25 Jy. Figure 1 presents a cat-
alog of H2O spectra. The spectra with the smallest
fluctuations are averages of several records obtained
during one observing day. For the spectra of Figs. 1b
and 1c, we performed averaging over separate time
intervals and over the entire period 1997–2003. The
results of this procedure are shown in Fig. 2. The
arrows indicate the components that we managed
to separate in the average spectra. In addition, we
separated individual spectral components in the
single spectra of the period 1992–1996. The H2O
spectra in the form of individual components and their
evolution are presented in Fig. 3. We see that they are
distributed in the spectrum more or less uniformly
over the range 11.7–24 km s−1, while the strongest
emission appeared in the central part of this range,
at radial velocities of 17 and 18.6–19.2 km s−1. In
ASTRONOMY LETTERS Vol. 29 No. 11 2003
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Fig. 1. (Contd.)
searching for possible cyclic variability of the maser,
we calculated the total flux for each spectrum. The
difficulty lay in the fact that the signal mainly had not
exceeded the noise fluctuation level since the mid-
1998. Therefore, determining the zero signal level in
each spectrum was of great importance. The total-
flux variability is shown in Fig. 4.
ASTRONOMY LETTERS Vol. 29 No. 11 2003
DISCUSSION

Thewater-vapor maser toward IRAS06308+0402
became the first source associated with a dense cold
cloud for which long-term monitoring was carried
out. The absence of observations with high angular
resolution increased the value of the monitoring
results. We got an opportunity to construct a model
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of a maser associated with a star at a very early stage
of formation.

Analysis of the Catalog ofH2O Spectra

Ourmonitoring of theH2Omaser in IRAS06308+
0402 shows that the maser emission is mainly weak.
We observed three outbursts at different radial ve-
locities. The first outburst was associated with the
detection of the maser (May 1992). The flux density
at VLSR = 17 km s−1 was about 50 Jy. This was
apparently a short-duration outburst, because in July
1992 we observed a weaker emission with a flux
density of less than 10 Jy (VLSR = 16.7 km s−1). We
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Fig. 2. (a) Average H2O spectra for various time in-
tervals; (b) Average spectrum for the observing period
1997–2003.

may have observed this emission already during its
decline, while at the maximum, its flux density was
much higher than 50 Jy. The second, also short-
duration outburst took place in 1993 (F = 33 Jy,
VLSR = 18.7 km s−1). Only the third outburst may be
considered as a period of higher activity of the entire
maser, which lasted from December 1993 until July
1995. The range of radial velocities of the emission
was 18–21 km s−1. A weaker emission was observed
at the spectrum edges between the first and the
second outbursts.

Structure of theH2O Spectra

Of great importance in constructing a maser
model is the study of spectral structure, i.e., the
separation of individual spectral components. Each
component is identified with a separate maser spot.
During the highest maser activity (1992–1996), the
ASTRONOMY LETTERS Vol. 29 No. 11 2003
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Fig. 3. The H2O spectra presented in the form of indi-
vidual components (filled circles). The large circles and
numbers near them denote the flux peaks and flux values,
respectively. The open circles, triangles, and pluses indi-
cate the components separated from the average spec-
tra for the intervals 1997–1999, 2000–2001, and 2002–
2003, respectively. The horizontal bars on the right indi-
cate the positions of all of the detected emission features.
The dashed line indicates the radial velocity of the CO
molecular cloud (Wilking et al. 1989).

decomposition of the spectra into separate com-
ponents involved no special difficulties. A different
picture has been observed since 1997. This has been a
period of weak maser activity. For this reason, we av-
eraged the spectra for two time intervals: 1997–1999
and 2000–2003 (Fig. 2). Our averaging revealed
emission features as weak as 0.5–0.7 Jy. The fact
that we managed to detect such features suggests
their long lifetime asmaser sources. Figure 3 presents
the spectra in the form of separate components for
the period 1992–1996. For the period 1997–2003,
the components obtained from the average spectra
are shown in the figure. There is a spread in radial
velocities from spectrum to spectrum. Therefore, we
took an interval of about 0.2 km s−1 as a criterion
for the separated component belonging to the same
maser spot. We thus identified 20 features that can
be associated with maser spots. They are shown in
the right part of Fig. 3. We observe a more or less
uniform distribution of the components in the H2O
spectrum. The absence of a triplet spectral structure
may be an argument for the maser model in the form
of an expanding shell.

Cyclic Activity of theH2OMaser

To estimate the activity of the maser as a whole,
we used such a maser emission parameter as the
total flux. As was shown above, the H2O spectra
have consisted of a large number of weak emission
features since 1997. This factor can give a large error
when determining the total flux. To avoid this, it was
ASTRONOMY LETTERS Vol. 29 No. 11 2003
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Fig. 4. Variability of the total H2O maser flux from the
source IRAS 06308+0402. The dashed line represents a
polynomial fit, and the arrows indicate the extrema (max-
ima). The dashed arrow indicates the presumed position
of the peak of the first outburst.

necessary to adjust the zero line of each spectrum.
After this adjustment, we constructed the curve of the
total flux shown in Fig. 4. The dashed line represents
the polynomial fit that allowed us to determine the
positions of the peaks. Four peaks are observed. As
we have noted above, in February 1990, Palla et al.
(1992) observed no emission stronger than 3.5 Jy.
The maser was detected in May 1992 (Pashchenko
1992). Slightly earlier (April 1992), it was observed
by Xiang and Turner (1995), but their results were
published only in 1995. The flux density of the main
feature was 12 Jy. The emission in 1992 had a distinct
outburst pattern with a large flux variation during a
short time. It is virtually impossible to determine the
exact position of the peak of this outburst. We can say
only that it occurred in May 1992.
Thus, the maser variability is cyclic in pattern with

periods of ∼2.1, 3.1, 2.7, and 1.8 yr. This cyclicity
can reflect the quasi-periodic pattern of variability
of a young star at the stage of its formation. The
derived variability periods are several times shorter
than those found for masers in star-forming regions
associated with ordinary molecular clouds (see, e.g.,
Lekht 1996).

A Model of theH2OMaser in IRAS 06308+0402

To have a rough pattern of distribution of maser
spots on the shell surrounding the star, we con-
structed the frequency distribution of spectral com-
ponents in radial velocities (Fig. 5). We counted the
number of observed components in all of the spectra,
i.e., each component was counted as many times as
it was observed. Thus, this statistic included both
the components themselves and the probabilities of



736 PASHCHENKO et al.

 

N
 

10

5

0
10 13 16 19 22 25

Radial velocity, km s

 

–1

Fig. 5. Frequency distribution (histogram) of spectral
components in radial velocities. The solid line represents
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their occurrence. Such studies of masers associated
with star-forming regions were first carried out by
Lekht et al. (1995) and Lekht (1995). The histograms
of spectral components were obtained for the H2O
masers in W31A, W75S, and W75N. Our histogram
is most similar to the histogram for W31A. There
is also a difference: a deep dip at velocities of 17–
19 km s−1 and a large rise at 19–21 km/s, which
is shifted by ∼1.5 km s−1 relative to the distribution
center. The rise can be attributed to a bipolar outflow
(Xiang and Turner 1995) if it is not oriented in the
plane of the sky, which is most likely.
As a model, we may consider an expanding shell

on which maser spots are located. In addition, there is
a bipolar mass outflow from the star, which apprecia-
bly affects the structure of the H2O spectra.

MAIN RESULTS

(1) We have presented a catalog of H2O maser
spectra in the 1.35-cm line toward the infrared source
IRAS 06308+0402 for the period 1992–2003.
(2) We have identified 20 individual spectral com-

ponents; this can be an argument for the model of an
unhomogeneous (fragmented) shell around a young
star.

(3) During our 11 years of monitoring, we ob-
served no strong outbursts of H2O maser emission
typical of masers in star-forming regions. The out-
burst in May 1992, when a large flux variation took
place over one month, may be considered an excep-
tion.

(4) The radial velocity of the most active part of
the H2O spectrum is about 18 km s−1 and is shifted
by ∼2.2 km s−1 relative to the velocity of the CO
molecular cloud. This shift may result from a peculiar,
lowmotion of theH2Omaser in the cloud. The radial-
velocity dispersion of the maser emission is at least
12 km s−1 (11.7–24 km s−1). The emission features
are uniformly distributed in the spectrum, and no
triplet structure is traceable; this may be an argument
for the model of an expanding shell.

(5) We found a cyclic variability of the total H2O
flux with a period from 1.8 to 3.1 yr. This value is
several times lower than that for masers associated
with ordinary (not cold) clouds.
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Abstract—We describe the results of our magnetometric monitoring of two white dwarfs: 40 Eri B and
WD 0009+501. We found periodic variations in the longitudinal magnetic field of 40 Eri B. The field
variability with an amplitude of ∼4 kG and a zero mean is discussed in terms of an oblique rotator model.
The rotation period is ∼5 h 17 min, but there is another period of 2 h 25 min that may be related to
nondipolar field components. The published projected rotational velocities of 40 Eri B measured from a
narrow non-LTE Hα peak (V sin i � 8 km s−1) are in good agreement with our measurements of the
magnetic field and the rotation period. The combined effect of magnetic and rotational broadening of
the central Hα component constrains the rotation period, P � 5.2 h. We discovered the rotation period
(1.83 h) of the magnetic white dwarf WD 0009+501. The period was found from the periodically varying
magnetic field of the star with a mean 〈Be〉 = −42.3± 5.4 kG and a half-amplitude of 32.0 ± 6.8 kG.
c© 2003 MAIK “Nauka/Interperiodica”.

Key words: white dwarfs, magnetic fields, rotation periods.
INTRODUCTION

White dwarfs are evolutionary products of inter-
mediate-mass stars. These stars evolve without
catastrophic processes, and their observational pa-
rameters are directly related to the physical charac-
teristics of the cores of red giants. A single degenerate
star cools down on time scales from several hundred
million to several billion years (Mestel 1952). The
magnetic fields of these stars are assumed to evolve
(weaken) on time scales on the order of several
billion years as well (Wendell et al. 1987), although
currently available observational data (Fabrika and
Valyavin 1999a; Valyavin and Fabrika 1999; Liebert
et al. 2003) show that the magnetic fields of white
dwarfs probably evolve much faster. The remaining
observed physical properties of white dwarfs, includ-
ing their rotation periods, are virtually unchanged (if
the white dwarf is not a member of a close binary
system) throughout their lifetimes, beginning with
their formation from giant stars. All these facts give
a unique opportunity to statistically compare the
properties of progenitor stars with the properties
of their evolutionary products. For example, the
magnetic-field distribution of white dwarfs, or the
magnetic field–rotation period diagrams compared
to those for main-sequence stars, would allow their
stellar evolution scenarios to be reconstructed. A

*E-mail: fabrika@sao.ru
1063-7737/03/2911-0737$24.00 c©
comparative analysis makes it possible to determine
the fractions of angular-momentum and magnetic-
moment losses for stars at the stage of core degener-
acy and the mass losses of giant stars. Analysis of the
information obtained from white-dwarf observations
provides insight into the evolution of their progenitor
stars. Thus, observational data on the magnetic fields
and rotation periods of white dwarfs are of great
importance.

The rotation periods of white dwarfs, if no mag-
netic field is detected on the star, are very difficult to
measure directly. These periods can only be estimated
statistically from the spectroscopic measurements of
the projected rotational velocities V sin i, where V is
the linear equatorial rotational velocity of the stel-
lar surface, and i is the inclination of the rotation
axis to the line of sight. Such studies (Pilachowski
and Milkey 1987; Koester and Herrero 1988; Koester
et al. 1998) show that the overwhelming majority of
isolated white dwarfs have relatively low rotational
velocities (less than 20 km s−1). The rotational ve-
locities of main-sequence stars with masses 1.5 <
M� < 8 (from which white dwarfs are formed) range
from 10 to 200 km s−1. If angular momentum is con-
served, then these stars must rotate with velocities
>1000 km s−1 as they collapse into white dwarfs.
Thus, there is the problem of angular-momentum
losses during the evolution of a star into a white dwarf.
2003 MAIK “Nauka/Interperiodica”
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Fig. 1. The time series of magnetic measurements for
40 Eri B obtained with MSS on December 9, 1995. The
average values are indicated by solid squares.

The rotation periods can be independently de-
termined by measuring the magnetic fields of white
dwarfs. The nonuniform magnetic-field distribution
over the stellar surface allows the rotation periods
of stars to be directly measured by studying the
magnetic-field variability. Schmidt and Norswor-
thy (1991) showed that magnetic white dwarfs mostly
rotate with periods from several hours to several
tens of days. These periods correspond to the above
estimates of the rotational velocities for white dwarfs.
Schmidt and Norsworthy (1991) also constructed
a magnetic field–rotation period diagram for white
dwarfs, in which this relationship was shown to be
ambiguous and complex. Unfortunately, the statistics
of measured rotation periods and magnetic fields
for white dwarfs is very poor, and further magnetic
measurements are required.

In this paper, we analyze our measurements of
the magnetic fields and rotation periods for two white
dwarfs: 40 Eri B (V = 9m. 5) and WD 0009+501 (V =
14m. 4).

OBSERVATIONS

We observed the white dwarfs 40 Eri B and
WD 0009+501 with the 6-m BTA telescope as part
of our program of research on the magnetism of white
dwarfs (see, e.g., Fabrika et al. 2000). The observa-
tions and subsequent analysis of the circular polariza-
tion were carried out by using the standard BTA spec-
trographs: a high-resolution main stellar spectro-
graph (MSS) (Najdenov and Panchuk 1996) with
a spectral resolution R = 15000 and a moderate-
resolution SP-124 spectrograph (Neizvestnyı̆ et al.
1998; Bychkov et al. 2000) with a spectral resolu-
tion R = 2000. Each CCD image in this method of
observations simultaneously contains two spectra of
opposite circular polarizations split by the analyzer.
The magnetic field can be determined by analyzing
the difference between the positions of the same
spectral lines in the spectra of opposite circular
polarizations. In this way, we can determine only the
longitudinal magnetic field integrated over the stellar
disk.

We carried out magnetic measurements of the
brightest white dwarf 40 Eri B with MSS on Septem-
ber 12 and 14 and December 9, 1995. The total ob-
serving time on these dates was 19, 81, and 215 min,
respectively. The spectroscopy with a typical time
resolution of 3–5 min near the Hα line, was aimed
at determining possible magnetic-field variation due
to the rotation of this white dwarf, and at obtaining
highly accurate estimates of the mean magnetic
field in the total spectrum. The Zeeman shift of the
central narrow non-LTE Нα profile (Pilachowski
and Milkey 1987) was measured. Polarization ob-
servations of this profile provide the highest accuracy
for measuring the magnetic fields on hot DA white
dwarfs (Valyavin et al. 1997; Fabrika et al. 2000). In
our observations of 40 Eri B, the expected accuracy
of measuring the magnetic field in the Нα line from
a spectrum with a signal-to-noise ratio of ∼100 was
several hundred gauss (Valyavin et al. 1997).

We observed 40 Eri B with SP-124 on January 25,
27, and 28, 1999 (referred to below as the first, second,
and third nights, respectively). The spectral range
covered the Hα and Hβ lines. We obtained a total
of about 60 Zeeman images, each with an exposure
time of 5 min. In general, the observations lasted
for 70, 175, and 192 min on the first, second, and third
nights, respectively.

We carried out the spectroscopic observations of
the white dwarf WD 0009+501 on September 2,
1999, in the same mode of Zeeman spectroscopy
with short exposures, using the SP-124 spectrograph
(Valyavin et al. 2003).

Since the technique for magnetic measurements
of white dwarfs with these instruments was described
in detail by Valyavin et al. (1997, 2003) and Fabrika
et al. (2000), we do not discuss our observations in
detail below. In this paper, we consider it important to
shift the emphasis toward analyzing the results.

RESULTS

40 Eri B

MSS data. The observations of September 14,
1995, revealed a statistically insignificant longitu-
dinal magnetic field Be = 0.5 ± 0.37 kG in the to-
tal spectrum (the observing time was 81 min) for
40 Eri B (Fabrika et al. 2000). Note that during
ASTRONOMY LETTERS Vol. 29 No. 11 2003
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the observations of September 12 and 14, 1995, we
knew nothing about the magnetic-field strength of
40 Eri B or its probable rotation period. In addition,
it was necessary at that time to test the efficiency of
our observing technique in magnetic measurements
of white dwarfs. We carried out test observations on
these dates with different exposure times from 20 to
3 min. These observations showed the high efficiency
of the technique.

In another series of observations on December 9,
1995, carried out with short exposures, we found
four-hour sinusoidal variations in the longitudinal
magnetic field of the star over the 215 min of our
observations (see also Fabrika and Valyavin 1999b).
These data are shown in Fig. 1. They consist of
54 three-minute individual field measurements (with
a signal-to-noise ratio of about 20–30 in each indi-
vidual spectrum) averaged over three or four adjacent
measurements. Figure 1 shows 17 averaged mea-
surements (open circles) equivalent to exposure times
of 11–14 min, corrected for the dead time required
to read out the CCD detector. The systematic (1σ)
errors were determined by averaging the individual
measurements. These data are also given in Table 1,
where the time corresponds to the beginning of the
exposure.

The observed trend in the variations of the longitu-
dinal magnetic fieldBe in Fig. 1 is best fit by a periodic
functionBe = A+B cos(2πt/P + φ) with a statisti-
cally insignificant mean ofA = −510± 520 G, a half-
amplitude B = 2300 ± 700 G, and a period P = 4 h.
The significance of the half-amplitude B exceeds 3σ.
The magnetic-field strengths estimated at the maxi-
mum and minimum of the curve in Fig. 1 are 1.8± 0.7
and −2.8 ± 0.7 kG, respectively.

In this case, we cannot say that we measured the
rotation period of 40 Eri B, because the accuracy of
this estimate (P ∼ 4 h) is very low. For the same rea-
son, we do not show the measurements of Septem-
ber 1995 in Fig. 1; they can be easily reconciled with
the derived sinusoidal curve without increasing its
significance.

Near the maximum of the curve in Fig. 1, the
difference between several neighboring points (open
circles in the figure) is statistically significant. Situ-
ations where the results of polarimetric observations
differ severalfold in their statistical errors often arise
in such observations. These differences are gener-
ally attributable to fluctuations in weather conditions
or unnoticed cosmic-ray particle hits in narrow line
cores. Figure 1 shows our additional field estimates
(filled squares) obtained by a pairwise averaging of the
magnetic-field strengths at neighboring points of the
series under discussion (the extreme estimate in the
right-hand part of the figure was obtained by averag-
ing the last three values). In general, these estimates
ASTRONOMY LETTERS Vol. 29 No. 11 2003
are consistent with the sinusoidal fit with the period in
question. Naturally, however, longer periods or even a
linear trend are possible.

Analysis of the total spectra obtained from the se-
ries in Fig. 1 yields a statistically significant magnetic-
field strength. For example, the polarization spectrum
obtained by averaging the individual spectra (see
Valyavin et al. 2003) between 21 and 22 h UT
shows that the magnetic splitting in the Hα core
is 3.7 ± 0.5 kG. On the other hand, the shift of the
telluric water absorption lines detected in the same
spectrum near Hα is 0 ± 1.5 kG, in units of magnetic
field.

Thus, we see that a magnetic field has been de-
tected on 40 Eri B, and that it varies on a char-
acteristic time scale of several hours. However, the
results of our MSS observations for 40 Eri B can-
not be unequivocally interpreted as four-hour periodic
magnetic-field variations. The observing time is com-
parable to the time scale of the field variability, and the
scatter of individual data points is large; we can only
say that the time scale of the magnetic-field variability
for 40 Eri В is several hours.

SP-124 data. The standard procedure for mag-
netic measurements includes observations at various
orientations of a quarter-wave plate (see, e.g., Monin

Table 1. The MSS magnetic measurements of 40 Eri B on
September 9, 1995

JD 2450000+ Exposure,
min

Be kG σ, kG

61.281 11 −4.5 1.8

61.289 11 −1.0 2.0

61.299 11 −4.3 1.6

61.306 12 0.1 1.5

61.315 11 −1.9 1.8

61.323 12 −2.2 1.6

61.332 11 −4.5 1.8

61.340 11 −0.1 1.9

61.347 11 1.9 2.0

61.357 11 −1.9 2.4

61.373 11 1.4 1.6

61.381 13 −0.2 2.0

61.391 11 5.5 1.8

61.399 12 2.6 1.8

61.407 11 −0.9 1.6

61.415 14 1.1 1.5

61.423 12 0.0 1.8
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et al. 2002; Valyavin et al. 2003). This procedure
is designed to eliminate the systematic errors related
to instrumental polarization (slit curvature, inaccu-
rate alignment of the polarization optics, etc.). The
systematic effects give rise to an instrumental shift
between the positions of the same line in the spectra
of opposite circular polarizations split by the analyzer,
i.e., to a false magnetic field. Rotation of the polar-
ization analyzer (the quarter-wave plate) completely
removes the instrumental effects. In this technique,
the spectra of opposite polarizations are projected
onto the same place of the CCD detector, which rules
out the appearance of new instrumental effects.

Nevertheless, the standard methods are not enough
to study the weak and variable magnetic field of
40 Eri B. The MSS observations show that 40 Eri B
has a variable magnetic field. Analysis of the star’s
varying magnetic field can lead to undersubtraction
of the instrumental circular polarization in the line
cores, because the magnetic field can change between
successive rotations of the analyzer. For this reason,
before and after the observations of 40 Eri B, we addi-
tionally observed standard stars with a zero magnetic
field. The observing conditions for the standard stars
and the white dwarf were identical.

The bright stars ε Tau, α Cep, 40 Eri A, and the
star located 19

′
north of 40 Eri B were used as the

zero-field standards. For the first G9.5 III star, the
magnetic field (the line positions) were measured by
cross correlation in a 100-Å region near Нα and Нβ.
The other standard stars have approximately the same
spectral type as the object under study; i.e., their
spectra exhibit prominent hydrogen lines. In their
spectra, we measured the line shifts directly in the
hydrogen lines.

The star ε Tau has a zero magnetic field, less
than 10 G (Smirnov et al. 2003). The magnetic
field of α Cep does not exceed 100 G (Monin et
al. 2002). There are no magnetic-field data for the
remaining standard stars. The probability that a ran-
domly chosen star will be magnetic, with a mag-
netic field stronger than 1 kG, is very low (Monin
et al. 2002). In particular, the probability that a sig-
nificant magnetic field is simultaneously present on
two stars (40 Eri A and the anonymous star) is neg-
ligible. Since zero control using these stars is sup-
plementary to our standard analyzer-rotation proce-
dure, we believe that this control is definitely better
than 1 kG. Our processing of the spectra for these
four stars using the standard technique (Fabrika et
al. 2000) showed that their magnetic fields were ac-
tually close to zero. Finally, the magnetic measure-
ments for 40 Eri B were corrected by linearly interpo-
lated measurements of the instrumental shifts.

In our observations of 40 Eri B, we measured two
hydrogen lines, Нα and Нβ. The Zeeman splitting in
the line cores was determined from the positions of
the hydrogen-line centers in the spectra of opposite
circular polarizations. The positions of the line centers
were determined by a Gauss analysis. For our mea-
surements, we selected only the best-quality spectra
(S/N > 80–90) and only those in which the line cores
were not distorted by cosmic-ray particle hits. The
particle hits in the line centers with large intensity
gradients cannot be removed.

Analysis of the power spectrum for the data of all
three nights revealed sinusoidal signals that corre-
sponded to several periods ranging from 2 to 5 h. Fig-
ure 2 illustrates our periodogram analysis of the tem-
poral behavior of the longitudinal magnetic field on
40 Eri B measured from the Нα core. Figure 3 illus-
trates our analysis of the Нβ measurements. We per-
formed the periodogram analysis by using the com-
bined results of our observations on all three nights.
The figures show, in arbitrary units, (a) the power
spectra for the time series of measurements, (b) the
spectral windows of observations, and (c) the final
power spectra of our observations, corrected for the
spectral window [the terminology and the theory for
analyzing time series were described in detail by Tere-
bizh (1992)]. Frequencies (in inverse days) are along
the horizontal axis. The magnetic measurements for
the star in Нα are most accurate, because its Zeeman
splitting factor is larger than that for Нβ (Land-
street 1982). In addition, our spectra near Нα are bet-
ter in quality than those near Нβ. The periodogram for
the Нα measurements (Fig. 2) exhibits a statistically
significant periodic signal at a frequency of about 4.54
inverse days, which corresponds to a period of 5h17m.
This signal with a lower significance is also present in
the periodogram for the Нβ measurements. As can
be seen, other peaks are also present in both peri-
odograms. Some of these peaks are not independent;
they result from the interference of the real signal at
the observational data sampling. Others are random
in nature.

Assuming the model of an axisymmetric dipole
magnetic field for the white dwarf under considera-
tion, we performed an additional harmonic analysis
to find only sinusoidal variations in its magnetic field,
due to rotation. This analysis also indicates that the
best case in both lines is realized with a period of
5h17m. However, our analysis of the Нβ line revealed a
second period of sinusoidal magnetic-field variability,
2h25m.

The phase magnetic curves with a period of 5h17m

for both lines are shown in Fig. 4. The results of
our Hα and Hβ magnetic measurements are also
presented in Table 2. We estimated the accuracy of
measuring the magnetic field in individual spectra by
ASTRONOMY LETTERS Vol. 29 No. 11 2003
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Fig. 2. Power spectra P (in arbitrary units) for the time series of magnetic measurements for 40 Eri B using the Hα line: (a)
the power spectrum for the original time series; (b) the spectral window; and (c) the power spectrum corrected for the spectral
window. Frequencies (in inverse days) are along the horizontal axis. The crosses denote the peaks at the frequencies that
correspond to the periods P = 5h17m and P = 2h25m.
fitting the line profiles and analyzing the measure-
ment errors (Valyavin et al. 1997). The major factor
that determines the measurement error of the line
shifts is the signal-to-noise ratio in the spectra. In
our case, we use spectra of approximately the same
quality. On average, the measurement error of the
magnetic field for Hα and Hβ is 3 and 7 kG, respec-
tively. Both Нα and Нβ confirm the periodic varia-
tions with the period found, but the scatter of data in
the Нβ measurements is larger, as would be expected.
The individual data are represented by open circles,
and the average values in 0.1φ-wide phase intervals
with rms errors are represented by filled circles. These
figures also show a sinusoidal fit to the data in the
ASTRONOMY LETTERS Vol. 29 No. 11 2003
form Be = A+B sin(2πt/P + φ0). The parameters
of the fit with a period of 5h17m are

Нα A = 300 ± 550 G B = 4400 ± 700 G,
Нβ A = 400 ± 900 G B = 4000 ± 1400 G.
The periodicity in the field variations with the pe-

riod P = 5h17m was found with a high probability
(more than 95%). The parameters of the fit with a pe-
riod of 2h25m have an appreciably lower significance,
particularly for the Нα line.

The previously found (in the MSS observations)
four-hour sinusoidal cycle in the magnetic-field vari-
ations of 40 Eri B is in better agreement with the
five-hour period. The averaged MSS measurements
in the Hα line are also shown in Fig. 4. Note that the
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Fig. 3. Power spectra P (in arbitrary units) for the time series of magnetic measurements using the Hβ line. The order of the
spectra and the notation are the same as those in Fig. 2.
low accuracy of measuring the field variability period
completely rules out the possibility of simultaneously
using these data to search for a period. However, the
amplitudes of the magnetic-field variations differ in
observations with different spectral resolutions (SP-
124 and MSS). We discuss the possible causes of this
difference in the next section.

It is highly likely that the five-hour period corre-
sponds to the rotation period of the star. The lower
significance of the second period (P = 2h25m) leads
us to believe that this period is less likely as the
fundamental period, the rotation period of the white
dwarf. Nevertheless, we use it in the subsequent dis-
cussion, because the magnetic field of 40 Eri B may
be nondipolar. In this case, the field behavior over
the rotation period could also be more complex in
pattern than a simple sine wave. The two-hour period
may then be also real and could represent a higher
harmonic in the decomposition of the nondipolar-
field behavior over the rotation period. Moreover, this
period is close to half the five-hour period, which
may be circumstantial evidence for the existence of a
quadrupole component. The distribution of points in
the phase curves (Fig. 4, Hα) admits this possibility,
because an appreciable deviation from the sine wave
is observed at certain phases.

The surface magnetic field of 40 Eri B. Based
on the Zeeman circular polarization spectra, we mea-
sure only the longitudinal magnetic field Be of the
star. However, invoking the high-resolution spec-
troscopy obtained without a polarization analysis, we
can impose a constraint on the complete integral of
the magnitude of the star’s magnetic field (surface
field Bs). The narrow non-LTE Нα profile in white
ASTRONOMY LETTERS Vol. 29 No. 11 2003
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dwarfs can be broadened only by rotation and Zeeman
splitting. In bright white dwarfs, of which 40 Eri B is
one, the accuracy in measuring the width of the cen-
tral Нα profile is high (Pilachowski and Milkey 1987;
Koester and Herrero 1988; Koester et al. 1998). It
corresponds to a Zeeman line broadening in a mag-
netic field of ∼10–15 kG. No clear Zeeman splitting
in the Hα line was detected for 40 Eri B in any of the
cited studies. It thus directly follows that the surface
magnetic field of this star is less than 10 kG.

Let us briefly summarize our measurements of the
longitudinal magnetic field for 40 Eri B. The half-
amplitude of the variability found (Bmax

e ) lies within
the range 3000–5000 G, and the mean magnetic field
(〈Be〉) is ∼300 ± 500 G. The ratio Bmax

e /〈Be〉 is
found to be high. The orientation of the magnetic
field, both the rotation axis (the angle i between the
rotation axis and the line of sight) and the symmetry
axis of the magnetic field (the angle β between the
rotation and magnetic axes), can be inferred from
these data (Fig. 4) and the observation regarding the
star’s surface field. If 40 Eri B has a mainly dipole field,
which is the most reasonable assumption for white
dwarfs, then the rotation axis has a large inclination
to the line of sight, i ≈ 90◦, with a high probabil-
ity (a large Bmax

e /〈Be〉). In addition, if the angle i
were small, then the inferred longitudinal fieldBmax

e ≈
4000 G would imply a strong surface magnetic field
(Stibbs 1950). This field would cause an appreciable
broadening of the narrow non-LTE Hα profile, which,
in turn, would be revealed with high-resolution spec-
troscopy.

In other words, it follows from the phase magnetic
curve for 40 Eri B (Fig. 4) that the dipole axis is
close to the line of sight twice during the rotation
period. Therefore, we believe that the inclination of
the rotation axis to the line of sight is close to 90◦.
The star’s magnetic dipole axis is also inclined to the
rotation axis at an angle close to 90◦. The estimates of
i ≈ 90◦ and β ≈ 90◦ follow from the symmetry of the
phase curves relative to zero and from the large ratio
Bmax

e /〈Be〉.
Taking into account the above remarks, we can

impose numerical constraints on the surface mag-
netic field of 40 Eri B. Rotation and a magnetic
field simultaneously broaden the central non-LTE
Hα profile. A surface magnetic field broadens this
profile as ∆Vm = 1.84Bs km s−1, where Bs is in kG.
The rotational broadening is defined as ∆Vrot =
Vrot sin i = 2πR/(P/ sin i), where R is the stellar
radius, P is the rotation period, and Vrot is the
equatorial rotational velocity of the star. As a result,

the total line broadening is ∆V =
√

∆V 2
m + ∆V 2

rot.
ASTRONOMY LETTERS Vol. 29 No. 11 2003
Table 2. The SP-124 magnetic measurements of 40 Eri B
in the Hα and Hβ lines

Hαa Hβb

JD 2450000+ Be, kG JD 2450000+ Be, kG

1204.228 4.5 1204.228 0.2
1204.233 6.4 1204.233 10.6
1204.237 4.3 1204.245 −7.8
1204.245 3.5 1204.269 5.6
1204.265 3.8 1204.278 −3.6
1204.269 2.2 1206.221 −0.8
1204.274 0.6 1206.231 −0.8
1204.278 7.4 1206.235 6.9
1206.227 −7.1 1206.239 0.3
1206.243 2.9 1206.243 −4.7
1206.249 6.8 1206.249 −1.0
1206.257 3.5 1206.253 5.9
1206.261 0.3 1206.257 −3.1
1206.267 −2.5 1206.261 −2.4
1206.271 2.9 1206.271 7.3
1206.275 −6.1 1206.275 −16.8
1206.280 −0.6 1206.280 10.2
1206.284 −2.5 1206.284 −14.3
1206.287 1.2 1206.291 −3.9
1206.291 0.2 1206.296 −2.6
1206.296 −7.4 1206.300 −7.9
1206.311 −9.0 1206.311 −3.0
1206.314 −6.4 1206.314 −14.4
1206.328 −5.9 1206.318 5.5
1206.332 −1.2 1206.324 6.3
1207.201 −1.5 1206.328 −6.2
1207.207 −3.1 1206.336 0.7
1207.212 −1.2 1207.193 3.6
1207.233 −2.3 1207.197 1.0
1207.244 −3.3 1207.201 −6.1
1207.248 −3.4 1207.207 2.2
1207.261 2.0 1207.212 −8.7
1207.273 2.4 1207.224 0.6
1207.277 −0.4 1207.240 8.8
1207.297 3.7 1207.244 4.3
1207.309 −0.1 1207.248 −2.6

1207.252 11.3
1207.256 10.6
1207.265 6.7
1207.273 −2.8
1207.277 10.7

a The time of a single exposure is 5 min, and the error of a single
measurement is σ(Be) ≈ 3 kG.
b The error of a single measurement is σ(Be) ≈ 7 kG.
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Fig. 4. The phase magnetic curves for 40 Eri B with a
period P = 5h17m constructed from the (a) Hα (the tri-
angles represent the averaged MSS measurements from
Fig. 1) and (b) Hβ measurements. The filled circles in-
dicate the mean measured values and their (1σ) errors in
∆φ = 0.1 intervals.

The most recent spectroscopic studies of the non-
LTE Hα profile for 40 Eri B (Heber et al. 1997) give a
constraint of ∆V � 8 km s−1 at a 3σ confidence level.

The amplitude of the star’s longitudinal magnetic
field is at a maximum when the line of sight is close
to the magnetic dipole axis. At these times, the lon-
gitudinal field in the dipole field model is closest in
magnitude to the surface magnetic field. Of course,
the longitudinal magnetic field is always weaker than
the surface field, but for i ≈ 90◦ and β ≈ 90◦, the
maximum longitudinal field is close in magnitude
to the surface field. We assume that Bs � Bmax

e ≈
4 kG. In this case, the broadening of the Hα core
by a magnetic field alone is ∆Vm � 7.4 km s−1. The
purely rotational broadening is found to be ∆Vrot =√

∆V 2 − ∆V 2
m � 3 km s−1. Using the constraint

∆V � 8 km s−1 and assuming the radius of 40 Eri B
to be R = 8.98 × 108 cm (Reid 2000), we obtain a
constraint on the rotation period of the white dwarf:
P � 5.2 h. This constraint is in excellent agreement
with our rotation period of 40 Eri B, P = 5h17m.
Note that this result independently confirms that the
rotation period of 2h25m must be excluded from the
analysis.

Figure 5 illustrates the relationship between the
surface magnetic field Bs and the rotation period
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Fig. 5. Relationship between the surface magnetic field
and the rotation period for 40 Eri B. The curves corre-
spond to the following widths of the narrow non-LTE
Hα core: 10 and 6 km s−1. The horizontal line represents
the minimum possible surface magnetic field of 3 kG.
The domain of admissible rotation periods and surface
magnetic fields is located between this line and the ∆V =
10 km s−1 curve. The vertical lines represent two rotation
periods, 5h17m and 2h25m (for i = 90◦).

P/ sin i for 40 Eri B. The two curves in this figure cor-
respond to the total (rotational and magnetic) broad-
ening of the non-LTE Hα profile: ∆V = 10 (upper)
and 6 km s−1 (lower). The domains of admissible Bs
and P/ sin i lie below the corresponding curves. We
chose two values for ∆V by assuming that the mag-
netic broadening can vary with the rotation phase
of the star. Accordingly, the observed surface field
can vary by a factor of 1 to 2, which can introduce
an uncertainty into the interpretation of the data by
Heber et al. (1997), ∆V � 8 km s−1.

The fact that the stellar surface magnetic field
varies with the rotation phase is well known for mag-
netic stars (Mathys et al. 1997). The authors ana-
lyzed data on 42 well-studied magnetic Ap stars for
which they determined the surface magnetic fields
with high accuracies. In their study, the ratio q =
〈B〉max/〈B〉min of the observed maximum and min-
imum surface magnetic fields changes from star to
star with the above coefficient. To be more precise,
about 60% of the stars have q = 1.0–1.1; for the
remaining stars, this ratio is 1.1–1.9. Since such a
picture must also be observed on white dwarfs and,
ASTRONOMY LETTERS Vol. 29 No. 11 2003
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accordingly, must contribute to the total variability
of ∆V , we took ∆V ≤ 10 km s−1 as a probable upper
limit for the width of the Нα core when the surface
magnetic field of 40 Eri B is at a maximum. We
chose a lower limit of ∆V ≤ 6 km s−1 (the phase of
minimum surface field) from the same considerations.

The two vertical lines in Fig. 5 represent the pe-
riods of 5h17m and 2h25m that we found (in this
case, P/ sin i makes sense for i = 90◦). The horizon-
tal straight line corresponds to a surface magnetic
field of 3 kG. This strength is equal to Be − 2σ,
which we obtained from the Hα line for the rotation
period of 5h17m. The domain of admissible surface
fields and P/ sin i for 40 Eri B lies below the ∆V =
10 km s−1 curve, above the Bs = 3 kG straight line,
and to the right of the P/ sin i = 5h17m straight line.
Figure 5 illustrates the fundamental possibility of
measuring the rotational velocity, the inclination, and
the magnetic-field strength and geometry on normal
white dwarfs.

Nevertheless, we believe that further observations
are required to confirm the derived rotation period of
5h17m and the magnetic-field strength for 40 Eri B.
The half-amplitudes of the longitudinal-field varia-
tions, as determined from the MSS (2.3 ± 0.7 kG)
and SP-124 (4.4 ± 0.7 kG) data, differ markedly.
Since the MSS series is not long enough and,
accordingly, since these data may not be accurately
fitted by a sine wave, this difference may well be
considered to be statistically insignificant. In this
sense, the SP-124 observations are much more ac-
curate. However, this difference can also be physical
in nature. With MSS, we measured the position of
the very center of the Hα line (±1 Å), i.e., its central
non-LTE profile proper. With SP-124, we measured
the broader parts of the Hα profile (±10 Å), i.e., the
central part of the Stark line profile. These different
parts of the Hα profile are formed at different depths
in the atmosphere of the white dwarf. Accordingly,
the limb-darkening effect manifests itself differently
within them. Therefore, we could expect a different
longitudinal magnetic field from these measurements.

WD 0009+501

WD 0009+501 was first discovered as a magnetic
star by Schmidt and Smith (1994). In twelve obser-
vations on four observing nights, the authors found
variations in the longitudinal magnetic field over
the range Be = +9 to −100 kG with errors σ(Be) ≈
8–15 kG. Clearly, the observed field varies because
of the star’s rotation. Schmidt and Smith (1994)
found the probable rotation period to be between 2
and 20 h. Analysis of the power spectrum revealed
several statistically significant peaks between 2 and
ASTRONOMY LETTERS Vol. 29 No. 11 2003
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Fig. 6. The Zeeman observations of WD 0009+501 (filled
circles). The error of a single measurement is 15–20 kG.
The squares represent the observations by Schmidt and
Smith (1994).

20 h with shorter periods preferred. No significant
variations of the star’s magnetic field were found
in a pair of spectra separated by 12 min, but clear
variations were detected in observations separated by
5 h. Field variations by ∼90 kG, which is much larger
than the individual error in their measurements, were
detected.

Our series of observations for WD 0009+501 con-
sists of 21 sequential Zeeman spectra. The first 10
and the next 11 spectra were taken with 10- and
5-min exposures. Our magnetic measurements con-
firmed the presence of a periodically varying magnetic
field on this star. Our measurements (filled circles) are
shown in Fig. 6. As usual, the positions of the Hα line
in the spectra of opposite circular polarizations were
measured by Gauss analysis. The Hβ measurements
are not shown here; they behave in approximately
the same way as the Hα measurements, but are less
accurate. Our observations span a 2.6 h interval.
Magnetic-field variability is clearly seen in Fig. 6.

In general, the exact period cannot be derived
from a single series of observations. Based on our
data, we can only conclude that the rotation period of
WD 0009+501 is about 2 h. However, having added
the data by Schmidt and Smith (represented by the
squares in Fig. 6), we found the probable rotation
period to be 1.83 h. To match our data and the data by
Schmidt and Smith, we varied the phase ∆φ between
the two series of observations. A whole number of
periods between the series of observations cannot
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be found, because the observations are separated in
time by several years. Nevertheless, the phase ∆φ in
this method can be determined unambiguously; the
power spectrum is simultaneously constructed using
the entire data set. We cannot yet give a more accu-
rate estimate of the period, because this requires fur-
ther observations. In general, however, the illustrated
curve of the longitudinal magnetic field is described by
a sine wave, which is suggestive of the star’s dipolar
magnetic-field geometry. The mean magnetic field
is 〈Be〉 = −42.3 ± 5.4 kG, and the variability half-
amplitude is 32.0 ± 6.8 G.

DISCUSSION

Our magnetic measurements of 40 Eri B with
SP-124 confirm the result obtained in the MSS ob-
servations, which revealed magnetic-field variations
on this white dwarf with a half-amplitude of 2300 ±
700 G and a period of ≥4 h. We gave several ar-
guments that the actual rotation period of 40 Eri B
is 5h17m. The five-hour phase curve shows that the
magnetic curve may not be sinusoidal. An appre-
ciable nondipolar magnetic field of the star may be
present. In this case, the existence of a periodic har-
monic near 2h25m may be real and may show the
presence of a quadrupole component. The same can
also be said about the magnetic-field structure on
WD 0009+501, where we found a period of 1.83 h. In
any case, to reach any final conclusions, we need ob-
servations with a higher accuracy to study the shapes
of the phase magnetic curves in more detail. We plan
to continue our observations of white dwarfs with a
new polarimeter specially constructed for this task
(Naydenov et al. 2002). With this instrument, the
magnetic-field detection threshold for white dwarfs
increases by more than a factor of 3, compared to
SP-124.

The results presented here have a record-high
accuracy. Our detailed investigation of the magnetic
field and rotation of 40 Eri B is an attempt to solve
the limiting problem in the studies of magnetism on
white dwarfs (Schmidt and Smith 1995; Valyavin
et al. 2003). The major goal is to study the weakly
magnetic part of the magnetic-field function for white
dwarfs (Fabrika and Valyavin 1999a). The main dif-
ficulties here lie in the fact that most white dwarfs
are faint and have weak magnetic fields, and that
the number of spectral lines is small. Despite the
more than 30-year-long history of studying the mag-
netic fields of white dwarfs, and all the attempts to
find their rotation periods, we know of slightly more
than ten stars with more or less reliable estimates
of these two parameters (Schmidt and Smith 1995;
Wickramasinghe and Ferrario 2000). The number of
estimates should be increased by an order of magni-
tude to reliably analyze the magnetic field–rotation
period diagram for white dwarfs. Here, several paths
of development are possible: on the one hand, the
development of spectropolarimetry toward a higher
efficiency of instruments; and, on the other hand, a
search for alternative solutions. One such solution
could be an analysis of metal lines in the spectra of
white dwarfs for variability.

The presence of heavy elements in the atmo-
spheres of hot, hydrogen-rich DA white dwarfs
has been firmly established. Heavy elements have
been extensively studied in the ultraviolet and far-
ultraviolet spectra of very hot white dwarfs (Teff ≥
20000 K). Absorption lines of carbon, nitrogen, oxy-
gen, silicon, sulfur, phosphorus, iron, and nickel have
been found (Sion et al. 1992; Barstow et al. 1993;
Vennes et al. 1996). Heavy elements are held in the
atmosphere of a hot white dwarf by radiation pressure
(Dreizler and Wolf 1999). In contrast, the atmo-
spheres of relatively cool hydrogen DA white dwarfs
with temperatures below 20 000 K are incapable of
retaining heavy elements due to the insufficient action
of radiative forces. Still, a small amount of heavy
elements is present in the atmospheres of these stars
(Zuckerman and Reid 1998). This amount is as-
sumed to be attributable to interstellar gas accretion.

Previously (Fabrika et al. 2000), we suspected
the presence of heavy elements in the atmosphere of
40 Eri B. Although we analyzed medium-resolution
spectra, we were able to detect traces of several metal
lines because of the high spectral data quality (the
signal-to-noise ratio in the total spectrum was more
than 1000). In this way, we detected traces of lines
of heavy elements with residual intensities of less
than 0.5% (Fabrika et al. 2000; Fabrika 2000). As-
suming that gas accretion in the presence of a mag-
netosphere is anisotropic, we may expect variability of
these lines with the rotation period. Thus, the method
of studying the variability of weak spectral lines can
potentially be used to find the rotation periods of
bright white dwarfs.
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Abstract—High-resolution CCD spectra have been obtained for the first time for the W Virginis star V1
(K 307) in the globular clusterM12 and its closest neighbor K 307b (mpg = 14m; the angular distance from
the W Vir star is δ < 1 arcsec). We determined the fundamental parameters (Teff = 5600 K, log g = 1.3,
and Teff = 4200 K, log g = 1.0 for the W Vir star and the neighboring star, respectively) and their detailed
chemical composition. The derived metallicities of the two stars ([Fe/H] = −1.27 and −1.22 relative
to the solar value) are in good agreement with the metallicities of other cluster members. Changed
CNO abundances were found in the atmosphere of the W Vir star: a small carbon overabundance,
[C/Fe] = +0.30 dex, and a large nitrogen overabundance, [N/Fe] = +1.15 dex, with oxygen being under-
abundant, [O/Fe] ≈ −0.2 dex. The C/O ratio is≥1. Na and the α-process elementsMg, Al, Si, Ca, and Ti
are variously enhanced with respect to iron. We found an enhanced abundance of s-process metals relative
to iron: [X/Fe] = +0.34 for Y, Zr, and Ba. The overabundance of the heavier metals La, Ce, and Nd with
respect to iron is larger: [X/Fe] = +0.49. The largest overabundance was found for the r-process element
europium, [Eu/Fe] = +0.82. The spectrum of the WVir star exhibits the Hα and Hβ absorption–emission
profiles and the He I λ5876 Å emission line, which are traditionally interpreted as a result of shock passage
in the atmosphere. However, the radial velocities determined from absorption and emission features are in
conflict with the formation pattern of a strong shock. The high luminosity logL/L� = 2.98, the chemical
peculiarities, and the spectral peculiarity are consistent with the post-AGB evolution in the instability strip.
The pattern of relative elemental abundances [X/Fe] in the atmosphere of the neighboring star K 307b is
solar. Statistically significant differences were found only for sodium and α-process elements: the mean
overabundance of light metals is [X/Fe] = +0.35. c© 2003 MAIK “Nauka/Interperiodica”.

Key words: globular clusters, post-AGB stars, spectroscopy, chemical composition, shock waves.
INTRODUCTION

High-spectral-resolution observations of stars in
globular clusters are the key to several problems:
the spectroscopic calibration of metallicity indices,
the dispersion of elemental abundances in the atmo-
spheres of red giants, the simultaneous formation of
cluster stars, the evolution with additional shell mix-
ing, and the evolution upon interaction with neigh-
boring stars and the interstellar medium. The still
scarce spectroscopic observations of physical variable
stars in globular clusters play an important role.
In this paper, based on high-resolution spectra, we

determine the fundamental parameters and detailed
chemical composition of the variable star V1 discov-
ered by Sawyer-Hogg (1938a) in the globular cluster
M12. In addition, we analyze the radial velocities

*E-mail: valenta@sao.ru
1063-7737/03/2911-0748$24.00 c©
measured from various features in the star’s spec-
trum. M12 is generally believed to contain only one
variable (Clement et al. 2001). However, Malakhova
et al. (1997) discovered two more cluster stars in
the instability strip that were suspected to be RR Lyr
variables. In the list by Küstner (1933), theWVir star
in M12 is designated as K 307; below, we use this
designation in the text. The apparent magnitude of
the variable varies over the range V = 12m. 0–13m. 5.
The star belongs to the group of W Vir stars that
have a photometric variability period P ≈ 15d.5. The
catalog by Harris (1996) gives the following basic
parameters for the globular cluster M12: the mean
heliocentric velocity Vr = −42.2 km s−1 (with respect
to the Local Standard of Rest, Vlsr = −26.4 km s−1),
the mean color excess E = 0.19, the distance mod-
ulus m−M = 14m. 02, and the heliocentric distance
d = 4.9 kpc. A modern V − (B − V ) diagram for
2003 MAIK “Nauka/Interperiodica”
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M12 is given in Brocato et al. (1996). It follows from
this diagram that K 307 is brighter than asymptotic-
giant-branch (AGB) stars with the same (B − V )
color index by approximately two magnitudes, which
allows it to be considered as a post-AGB star.
This paper is a continuation of our series of

publications devoted to the investigation of stars
at the short-duration transition evolutionary phase
from the AGB to a planetary nebula (see Klochkova
et al. (2001) and references therein). The main goal
of our program is to study the chemical peculiarities
of objects that have passed through the sequen-
tial change of energy release sources, mixing, and
dredging-up of matter from layers with a changed
chemical composition to the surface. Since the
W Vir stars are evolved variable post-AGB stars
(Gingold 1985), it would be natural to study them
within the framework of our program. Variable stars
in globular clusters are of special interest, because,
being cluster members, their evolutionary phase
and luminosity can be determined more reliably
than those for Galactic field variables. However, the
fact that the star under study belongs to a system
of globular clusters complicates its high-spectral-
resolution observations, because these objects are
far from the Sun. In addition, cluster membership
is difficult to prove, especially for stars lying above
the horizontal branch. In essence, only one of the
universally accepted selection criteria is decisive for
such objects: the radial velocity. For stars in M12,
the velocities Vr range from −58 to −29 km s−1

(Joy 1949). For a reciprocal spectrogram linear dis-
persion of 100 Å mm−1, this range more likely reflects
measurement errors rather than a peculiar velocity
dispersion of the cluster members.
Zinn et al. (1972) found nine stars in M12 that

are located above the horizontal branch in the color–
magnitude diagram, suggesting the name “UV-
bright stars” for them. Having measured the radial
velocities for a sample of stars, Harris et al. (1983)
confirmed the cluster membership of several UV-
bright stars in the cluster M12 (in particular, the
membership of K 307). The high probability of the
cluster membership of K 307 was also confirmed
by proper-motion measurements for M12 field stars
(Geffert et al. 1991). Based on moderate-resolution
spectra for stars in the globular cluster M12, these
authors gave a mean velocity Vr = −41.3 km s−1.
For K 307, they gave two velocities, −36.4 and
−40.9 km s−1, with an rms deviation σ ≥ 3.3 km s−1.
TheW Vir star K 307 has a close neighbor (below,

this star is called K 307b for short) at an angular
distance δ < 1 arcsec. Sawyer-Hogg (1938b) esti-
mated the photographic magnitude of K 307b to be
mpg = 14m. Because of the excellent seeing during
ASTRONOMY LETTERS Vol. 29 No. 11 2003
our spectroscopic observations with the 6-m tele-
scope, apart from the spectrum of the W Vir star, we
were also able to obtain a high-quality spectrum for
its neighbor.
In this paper, we briefly describe our methods

of observations, data reduction, and analysis. We
present the radial velocities Vr measured from emis-
sion and absorption features in the spectrum and
the results of our determination of the detailed at-
mospheric chemical composition for the two stars.
We discuss the results obtained and give our main
conclusions.

OBSERVATIONS AND DATA ANALYSIS

We obtained echelle spectra in the wavelength
range 4550–7940 Å at the prime focus of the 6-m
BTA telescope equipped with the PFES spectrom-
eter. The spectrometer and its capabilities were de-
scribed by Panchuk et al. (1998). The PFES echelle
spectrometer is equipped with a 1160 × 1040-pixel
CCD array (16 × 16 µm pixel size) designed at the
Special Astrophysical Observatory. The PFES spec-
trometer provides a spectral resolution up to
R = 17000 over a wide wavelengths range. The
spectrum of a Th–Ar lamp was taken for wavelength
identification. The reduction of two-dimensional
images (the standard procedures of dark-current
subtraction, cosmic-ray-particle hit removal, stray-
light subtraction, and echelle-order extraction), as
well as the spectrophotometric and positionmeasure-
ments in one-dimensional spectra, were described
previously (see, e.g., Klochkova et al. 2002). Since
the signal-to-noise ratio in the spectral regions used
for the abundance analysis exceeds 100–150, we
can measure the equivalent widths of weak lines as
small as 5–7 mÅ. The mean epoch of observations
for K 307 is JD = 2452072.312. However, we cannot
calculate the phase of the photometric curve, because,
as Clement et al. (1988) showed using long-term
photometric observations, the period for K 307 is
unstable.

Fundamental Stellar Parameters

To determine the fundamental parameters of model
stellar atmospheres (effective temperature Teff and
surface gravity log g), and to compute the chemi-
cal composition and synthetic spectra, we used the
grid of model stellar atmospheres computed by Ku-
rucz (1993) in the hydrostatic approximation.
We determined the fundamental model-

atmosphere parameters for the two stars by using
only spectroscopic criteria. For the W Vir star, the
spectroscopic method for determining the parameters
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is preferred, because we have no grounds for extrapo-
lating the photometric data to the epoch of our obser-
vations due to the variability of its photometric period
(Clement et al. 1988). No accurate photometric data
are available for K 307b. Since the PFES echelle
spectrometer simultaneously records a wide spectral
range, we can determine the fundamental model
parameters Teff and log g by using only spectroscopic
criteria that are unaffected by interstellar and circum-
stellar reddening. We estimated the effective temper-
ature by the standard method (from the condition of
the neutral iron abundance being independent of the
excitation potential of the corresponding lines), and
chose the surface gravity from the ionization balance
condition for iron atoms and the microturbulence ξt
from the condition of the iron abundance being
independent of the line intensity. In determining the
model-atmosphere parameters, it is important to use
low- and moderate-intensity lines with equivalent
widths W ≤ 0.25 Å. The approximation of a steady-
state plane-parallel atmosphere can be inaccurate
when describing the strongest spectral features. In
addition, strong absorption features can be distorted
by the line splitting observed at certain pulsation
phases. At an insufficient spectral resolution or a
small radial-velocity difference between layers, this
distortion manifests itself in an additional broadening
of the line profiles.
The equivalent widths and oscillator strengths gf

of the spectral lines involved in determining the model
parameters and the computed elemental abundances
are given in a table that is accessible via E-mail (va-
lenta@sao.ru). To receive these data, it is necessary
to send an electronic request with the words “K307,
data” in the Subject line.
Thus, the effective temperatures were determined

from the condition of the iron abundance being inde-
pendent of the lower-level excitation potential for the
lines used. An additional criterion for the reliability
of the method is the absence of the same depen-
dence constructed for other chemical elements that
are also represented in the spectra by numerous lines
(Ca I, Ti I, Ti II, Cr I, Cr II, Ni I). In addition, in
a reliable microturbulence determination, there is no
dependence of individual abundances on the equiv-
alent widths of the lines used for the computations.
The abundances of silicon, titanium, and chromium
derived from both lines of neutral atoms and ion lines
are in agreement, within the accuracy of the method.
This agreement suggests that the surface gravity was
correctly estimated from the ionization balance con-
dition for iron atoms. The derived model-atmosphere
parameters Teff, log g, and ξt and the elemental abun-
dances ε(X) for the two stars under study are given
in Table 1. This table also gives the elemental abun-
dances relative to iron [X/Fe].
The typical accuracies of determining the model
parameters (on average) for a star with a tempera-
ture of ∼5000 K are ∆ Teff ≈ 150, ∆ log g ≈ 0.3 dex,
and ∆ ξt ≈ 0.5 km s−1. It should be borne in mind
that most of the lines used to compute the chemi-
cal composition have equivalent widths of less than
100 mÅ. Therefore, the accuracy of the observational
data must be very high, because at a given spectral
resolution, the accuracy ofW for weak lines depends
mainly on the signal-to-noise ratio in the spectrum.
The scatter of the elemental abundances derived from
a set of lines is small; the rms deviation σ mainly does
not exceed 0.25 dex (see Table 1). We performed all
our computations with the WIDTH9 code developed
by Kurucz. Figure 1 gives an example of a computed
synthetic spectrum for K 307 with the model pa-
rameters and atmospheric chemical composition from
Table 1.
In general, however, the internal consistency of the

parameters suggests that the homogeneous model
atmospheres used are suitable for LTE computations
of weak lines. The detailed discussions by Luck and
Bond (1989) and Gonzalez and Wallerstein (1994)
confirm that the plane-parallel models and the local-
thermodynamic-equilibrium (LTE) approximation
can be used to analyze the spectra of pulsating stars
in globular clusters. The main restriction is that,
in analyzing the atmospheric chemical composition,
one should avoid using the states of the atmosphere
when the splitting of metal absorption lines due to
shock passage is observed. The spectra of stars with
luminosities close to the luminosity of ROA 24 in
the globular cluster ω Cen (Mv = −3m. 66) can also
be affected by an extended atmosphere. The derived
model-atmosphere parameters Teff and log g as well
as the known mean color excess E = 0.19 and dis-
tance modulus of the cluster m−M = 14m. 02 allow
us to estimate the absolute magnitude of the W Vir
starMv = −2m. 6 and its luminosity logL/L� = 2.98,
which is much lower than the luminosity of ROA 24.
If we plot K 307 on the log Teff–logL/L� diagram for
variables in globular clusters (Gingold 1985), then we
will see that the effective temperature and the lumi-
nosity closely correspond to the expected position in
the instability strip for a W Vir star with a period of
about 15d. According to the formula (Gingold 1985),
the luminosity logL/L� = 2.98 corresponds to the
core massM/M� = 0.52.

DISCUSSION OF THE RESULTS

Radial Velocities

The radial velocities measured from lines in the
spectra of K 307 and K 307b are given in Table 2. To
increase the accuracy of determining the velocity, we
ASTRONOMY LETTERS Vol. 29 No. 11 2003
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Table 1. The chemical composition log ε(X) of the W Vir star K 307 and its companion K 307b (for log ε(H) = 12.0)

Sun K 307 K 307b

E log ε(E)
5600K, 1.3, 4.0 km s−1 4200K, 1.0, 2.2 km s−1

X ε(X) n σ [X/Fe] ε(X) n σ [X/Fe]

C 8.55 CI 7.50 6 0.27 +0.22

N 7.97 NI 8.10 2 +1.40

O 8.87 OI 7.90 3 0.10 +0.30

OI 7.41 3 0.10 −0.20

Na 6.33 NaI 5.49 3 0.15 +0.43 5.51 1 +0.40

Mg 7.58 MgI 6.36 2 +0.05 6.70 1 +0.34

Al 6.47 AlI 6.052 1 +0.85 5.66 1 +0.41

Si 7.55 SiI 6.63 8 0.25 +0.35 6.57 3 0.21 +0.24

SiII 6.56 2 +0.28

S 7.21 SI 6.50 4 0.13 +0.56 7.182 1 +1.19

Ca 6.36 CaI 5.29 19 0.24 +0.20 5.43 3 0.22 +0.29

Sc 3.17 ScI 1.94 1 −0.01

ScII 1.85 7 0.25 −0.05 2.03 3 0.40 +0.08

Ti 5.02 TiI 3.95 10 0.15 +0.20 4.20 8 0.06 +0.40

TiII 3.86 10 0.18 +0.11 3.95 2 +0.15

V 4.00 VI 3.01 15 0.17 +0.23

Cr 5.67 CrI 4.23 6 0.23 −0.17 4.35 5 0.12 −0.10

CrII 4.39 6 0.20 −0.01 4.30 2 −0.15

Mn 5.39 MnI 4.04 2 −0.08 4.00 4 0.20 −0.17

Fe 7.50 FeI 6.21 115 0.19 −0.02 6.28 76 0.22 0.00

FeII 6.25 18 0.17 +0.02 6.28 3 0.16 0.00

Co CoI 3.72 4 0.05 +0.02

Ni 6.25 NiI 4.89 9 0.19 −0.09 5.06 12 0.15 +0.03

Cu 4.21 CuI 2.94 2 0.00 2.94 1 −0.05

Zn 4.60 ZnI 3.43 2 +0.10

Y 2.24 YII 1.14 4 0.22 +0.17 1.25 2 +0.23

Zr 2.60 ZrII 1.84 3 0.33 +0.51

Ba 2.13 BaII 1.20 2 +0.34 1.06 1 +0.15

La 1.22 LaII 0.63 4 0.11 +0.68 −0.06 1 −0.06

Ce 1.55 CeII 0.73 4 0.12 +0.45 −0.01 1 −0.34

Pr 0.71 PrII −0.29 1 +0.22

Nd 1.50 NdII 0.57 3 0.19 +0.34 0.26 2 −0.02

Eu 0.51 EuII 0.06 3 0.08 +0.82 −0.44 1 +0.27

Note: In the table, n is the number of lines used, and σ is the dispersion of the abundance determined for a given number of lines. The
model parameters Teff K, log g, and ξt are given under the star number. The elemental abundances log ε(E) in the solar photosphere
were taken from Grevesse et al. (1996).
1 The oxygen abundance corrected for non-LTE effects.
2 The abundance of this element was determined with a low accuracy.
ASTRONOMY LETTERS Vol. 29 No. 11 2003
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Fig. 1. Comparison of portions of the observed spectrum for K 307 (1) and its theoretical spectrum (2).
selected unblended lines by comparing the observed
and synthetic spectra. The zero position point for each
spectrogram was determined by the standard method,

Table 2. The heliocentric radial velocities Vr of the W Vir
star K 307 and its companion K 307b, measured from
various spectral features

Spectral
features

Vr, km s−1

K 307 K 307b

Metals −40.6 (462) −39.2 (705)

He I λ5876 −41.4 (1)

Hα, (blue-em) −73.4 (1) −94.6 (1)

abs −37.3 (1) −32.6 (1)

(red-em) −3.6(1)

Hβ, (blue-em) −101.8 (1) −35.6 (1)

abs −44.4 (1)

(red-em) +32.7 (1)

NaD-phot −40.0 (2) −34.8 (2)

NaD-IS −15.2 (2)

DIB −18.2 (2) −34.1 (1)

Note: Vr(blue-em) is the velocity measured from the blueshifted
emission line peak; Vr(red-em) is the velocity measured from the
redshifted emission line peak; Vr(NaD-phot) is the velocitymea-
sured from the photospheric NaD doublet lines; and Vr(NaD-IS)
is the velocity measured from the circumstellar D line compo-
nents. The number of lines measured to determine the velocity is
given in parentheses.
by referencing to the positions of ionospheric night-
sky emission features and telluric absorption features
observed against the background of the object’s spec-
trum. The typical error of the mean is δ = 0.2 km s−1,
with the accuracy of measurement from a single line
being σ ≈ 3.4 km s−1. The mean radial velocity of
the W Vir star estimated from metal absorption lines,
Vr(met) = −40.6 km s−1, is in good agreement with
the data obtained by Harris et al. (1983) twenty years
ago. For W Vir stars, the amplitude of the radial ve-
locity measured from metal lines is about 40 km s−1.
Therefore, the close agreement between ourmeasure-
ments and the data by Harris et al. (1983) most likely
implies that the phases of the observations coincide.
Since there is no information about the radial-velocity
amplitude for К 307, it may well be that this amplitude
is anomalously small.
A peculiarity of the spectrum for K 307 is the pres-

ence of several absorption features that we identified
with diffuse interstellar bands (DIBs). The equivalent
width of the most easily distinguishable λ6613 Å
band is 97 mÅ. Since the well-known λ5780 band is
blended with photospheric spectral lines, its param-
eters are difficult to measure. The resonance NaD1,
D2 doublet lines in the spectrum of K 307 are asym-
metric: their cores are redshifted. Our measurements
indicate that both lines are blends that are poorly
resolvable at the spectral resolution used. The blends
contain two components: the velocity of one compo-
nent is equal to the star’s radial velocity, while the po-
sition of the other component, within the error limits,
corresponds to the velocity measured from DIBs (see
Table 2). The detected absorption bands can originate
in the circumstellar environment, because the shock
passage results in a mass outflow and the formation
of a circumstellar gas–dust shell (Fadeyev 2001).
As follows from the study by Klochkova and

Samus’ (2001), each of the NaD1, 2 doublet lines in
the spectrum of K 413 contains two components, and
ASTRONOMY LETTERS Vol. 29 No. 11 2003
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the position of one of the components is close to the
radial velocity of the photospheric spectrum. The ra-
dial velocity determined from the second component,
Vr = −24.6 km s−1, is equal to the velocity measured
from DIBs and differs from the velocity of the same
component in the spectrum of K 307. Consequently,
the second component does not originate in the
volume common to both cluster stars. The radial-
velocity difference confirms the assumption about the
circumstellar origin of the DIBs and the red NaD
components in the spectra of the two stars.
However, the interstellar origin of these features

cannot be ruled out either. For example, the spectrum
of the hot (and closer to the Sun) star µ Ophi-
uchi, whose Galactic coordinates are close to those
of M12, exhibits interstellar features whose posi-
tions correspond to a radial velocity of −19 km s−1

(Hobbs 1969). The latter is equal to the velocity
measured from the red NaD components and DIBs
for K 307. Further observations with a higher spectral
resolution for K 307 and other luminous cluster stars
are required to reach a final conclusion.
The spectrum of the star K 307b has similar pe-

culiarities: first, Hα is slightly asymmetric due to the
weak emission feature in the blue line wing; and, sec-
ond, the equivalent width of the λ6613 Å absorption
feature is reliably measured,W = 125 mÅ. Since the
equivalent width of the λ6613 Å band in the spectrum
of K 413 is W = 66 mÅ, we can make the assump-
tion about the intensity dispersion of this band inside
the globular cluster. This dispersion argues for the
circumstellar origin of the DIBs in the spectra of the
M12 stars that we studied.
The radial velocities determined from metal lines

in К 307 and К 307b are almost equal. This equality
suggests that, to within the radial-velocity differences
between these stars, at the given photometric phase of
К 307, we do not observe any significant inward and
outward motions of the layers that form the photo-
spheric metal lines. It follows from the radial-velocity
curve forWVir (Lèbre andGillet 1992) that the phase
interval 0.3–0.5 corresponds to this state. In this
phase interval, W Vir exhibits an almost symmetric
two-component emission–absorption Hα line profile,
which we observe in the spectrum of K 307.

Hydrogen Lines

The main peculiarities of the spectrum for K 307
are the complex Hβ and Hα absorption–emission
profiles as well as the emission feature in the He I
λ5876 Å line (see Figs. 2 and 3 and Table 2). Let us
consider the interpretation of the emission features in
more detail.
ASTRONOMY LETTERS Vol. 29 No. 11 2003
The emission feature in Hα in the spectra of WVir
stars is commonly explained by the radiation of a hot
region behind the shock front in the atmosphere of a
pulsating star (Abt 1954). The spherically symmetric
radiation zone can be located both in the immedi-
ate vicinity of the photosphere, when the stellar disk
almost completely shields the receding part of this
zone (case 1), and at a considerable distance from the
star (Willson 1976), when both the approaching and
receding parts of this zone can be observed (case 2).
In the second case, there is no need to interpret the
dip between the emission components as a result of
absorption in the shell located above the radiation
zone. The systematic excess in the intensity of the
blue emission component above the red component
may also be considered to be evidence for case 2
(because the star shields part of the spherically sym-
metric radiation zone receding from the observer).
Gillet (1988) believes that, if there are no hydrogen
absorption features falling into the Hα core in the
shell located above the shock front, then the location
of the central minimum above the continuum level is
evidence for case 2. Gillet et al. (1983) showed that
case 2 is characteristic of the extended atmospheres
of Mira stars. Here, we make two remarks: (i) the
location of the central minimum above the contin-
uum level can occasionally result from an insufficient
spectral resolution; (ii) the profile where the central
minimum is located below the continuum level can
also be obtained in case 2 if the emission components
are superimposed on regions near the photospheric
Hα core rather than on the continuum.
Figure 2a shows the observed Hα profile in the

spectrum of K 307, the synthetic spectrum computed
with the atmospheric parameters determined from
the metal absorption spectrum, and the difference
between the observed and theoretical spectra. The
shift of the theoretical spectrum from the observed
spectrum was chosen in such a way that the positions
of the metal lines coincided (in this case, the position
of the absorption core of the photospheric Hα profile
corresponds to the radial velocity determined from
metal lines). After the subtraction of the photospheric
spectrum, the blue emission component proved to be
again weaker than the red component; i.e., the pure
emission profile does not correspond to case 2 (Will-
son 1976). A strong objection to case 2 is the absence
of a similar pattern in the Hβ profile. Indeed, the red
emission component in Hβ is broader and stronger
than the blue component (Fig. 2b), while in Willson’s
case, the same narrow components and at the same
positions on the Vr scale as those for Hα must be
observed. This effect can be explained in case 1 by
assuming that there is a sufficient amount of matter
above the radiation region to produce the absorption
component not only in Hα but also in Hβ.
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Fig. 2. Portions of the spectrum for K 307 with the (a) Hα and (b) Hβ profiles: 1—observed spectrum, 2—theoretical
photospheric spectrum, 3—result of the subtraction. The telluric features were not removed from the observed spectrum.
We believe that the radial velocity of the Hβ ab-
sorption component (−44.4 km s−1) is affected by
the red emission component. Therefore, below, we
disregard the radial-velocity difference between the
Hβ absorption core and the narrow minimum in the
Hα profile (−37.3 km s−1).

Thus, we infer from the absence of a close similar-
ity between the Hα and Hβ profiles that the central
minima in the profiles of these lines are the hydrogen
absorption components. We get an additional argu-
ment by subtracting the synthetic absorption spec-
trum from the observed Hβ profile (Fig. 2b). The blue
Hβ wing contains Fe I lines whose subtractionmakes
the wings of the emission profile more symmetric.

We came to a scheme where the radiation region
is located near the photosphere; i.e., we observe only
the half of the spherically symmetric shock front that
faces us (case 1). In this case, the central minimum
is interpreted as absorption by hydrogen atoms in
the shell located above the radiation region. Let us
first consider the Hα profile. Since the intensities of
the observed emission peaks are similar, the radial
velocity determined from the position of the cen-
tral absorption component was overestimated (to-
ward negative values) only slightly, and, to a first
ASTRONOMY LETTERS Vol. 29 No. 11 2003
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Fig. 3. A portion of the spectrum for K 307 containing the He I and Na D1, D2 doublet lines. The vertical bars indicate the
strongest lines. The telluric features were not removed from the observed spectrum.
approximation, we may take Vr = −37.3 km s−1. If
we identify the absorption component with the matter
than is farthest from the star, i.e., virtually at rest
relative to its center, then the velocity of К 307 es-
timated in this way is close, within the limits of the
radial-velocity dispersion for M12 stars (Joy 1949),
to the mean radial velocity of the globular cluster
(−42.2 km s−1) and the radial velocity of the neigh-
boring star (V b

r (met) = −39.2 km s−1). We adopted
the hypothesis that the position of the central absorp-
tion component does not change with phase by anal-
ogy with the results of spectroscopic observations for
W Vir (Lèbre and Gillet 1992). The velocity of the ra-
diation region can be estimated either from the outer
wings of the double emission profile or by restoring
the emission core. In any case, we find that the radi-
ation region is virtually at rest. The term “direction of
motion” is conditional here, because velocities above
100 km s−1 correspond to the width of the emission
peak. Thus, we have another difficulty in case 1: if
the two-peak emission profile is considered as the
remnants of a one-component profile, then the profile
width is nonthermal; i.e., macroscopic motions with
radial velocities that differ by several tens of km s−1

are observed in the radiation region. We drew the
same conclusion from our analysis of the Hβ profile
(see Fig. 2b).

The first attempts to numerically simulate the
postshock hot region showed (Panchuk 1971) that
when the shock wave is produced by the “turnover”
of a rising compression wave, i.e., when the circum-
photospheric matter rises faster than the unperturbed
ASTRONOMY LETTERS Vol. 29 No. 11 2003
matter located above the shock front, the blue emis-
sion component is always more intense than the red
component. The asymmetry of the emission peak
attributable to the velocity gradient in the postshock
radiation region is small, for example, only 0.05 Å for
an RR Lyr star. The development of dynamic models
allowed the influence of the hydrogen ionization zone
to be taken into account (Adams and Castor 1979). It
was shown that the velocity discontinuity could also
be formed during the shell expansion and cooling at
the inward-moving hydrogen recombination front;
i.e., the radiation region could form emission lines
redshifted from the absorption spectrum.
Computations of hydrodynamic models with ra-

diative transfer in the moving atmosphere of a W Vir
star show that the blue Hα emission component
is always more intense than the red component
(Fokin 1991) and that the full width at half maximum
(FWHM) of the Hα emission peak does not exceed
1.5 Å (Fadeyev 2001). Our observations of К 307
show a much larger FWHM of the emission peak
(more than 2.5 Å) and an enhanced intensity of the
red emission component. Consequently, the width
of the Doppler core of the Hα emission profile and
the intensity ratio of the blue and red emission com-
ponents in the spectrum of К 307 require additional
explanations.
In general, the blue emission component in the

spectra of radially pulsating stars of different types
is stronger (Gillet 1988). However, shortly before the
brightness minimum of W Vir, the intensity of the
red emission components exceeds that of the blue
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component for a short time (at phase 0.537) (Lèbre
and Gillet 1992). It may well be that we observed
К 307 at a close phase. According to Lèbre and
Gillet (1992), the narrow absorption feature in the
Hα profile near the position that corresponds to the
photospheric spectrum originates in a region outside
the photosphere of W Vir. The Hβ emission profile
exhibits two absorption components (Fig. 2b); the
second absorption component also shows up in the
red wing of the Hα emission profile (see Fig. 2a).
Note that the difference between the radial velocities
(68 km s−1) determined from the absorption com-
ponents in the Hβ profile, within the error limits, is
equal to the difference (70 km s−1) determined from
the emission components in the Hα profile.
The presence of emission wings in Hα is also a

problem. A spectroscopic monitoring of W Vir in-
dicates that the emission wings in Hα appear at
phase 0.611, reach their maximum at phase 0.730,
and disappear at phase 0.945 (Lèbre and Gillet 1992).
It was concluded that the Stark Hα emission wings
are formed at certain densities and shock velocity in
the atmosphere of W Vir. We emphasize that the
effect of periodic appearances of broad emission wings
in the spectrum can also arise for a constant contribu-
tion of the emission component, when only the contri-
bution of the Stark absorption wings (they are weaker
when the effective temperature is at a minimum, near
phase 0.6) changes due to a change in photospheric
effective temperature. If we attribute the appearance
of emission wings only to an increase in density and
temperature in the postshock region, then we con-
clude that the density and temperature of the radiation
region must be at a maximum at phases 0.5–0.6. We
used the models by Kurucz (1993) to roughly esti-
mate these parameters by comparing the FWHMs of
the theoretical Hα profiles at a given residual intensity
with the observed FWHMs of the emission wings,
measured at the same relative intensity and counted
off upward from the continuum level. We found that
the observed FWHMs of the emission wings corre-
spond to the photospheric density and temperature in
the model with Teff = 5500 K; this estimate does not
depend on log g, because the luminosity effect in the
Hαwings is negligible at temperatures below 7000 K.
Using the outdated theory of Stark broadening by
de Jager (1952), Raga et al. (1989) concluded that
the emission wings of the Hβ and Hδ lines in the
spectrum of W Vir correspond to an electron density
of 2 × 1014 cm−3. This value gives a density estimate
for all preshock particles that is lower than the density
estimated from a hydrostatic model by two orders of
magnitude.
Let us discuss the possibility of emission-line

broadening by free-electron scattering. The broaden-
ing of emission lines by Thomson electron scattering
in the spectra of hot stars has long been known
(Münch 1950;Marlborough 1969; Castor et al. 1970;
Bernat and Lambert 1978; Wolf et al. 1981). If
the atmosphere above the Hα emission formation
region has an appreciable optical depth for Thomson
scattering by free electrons, then some of theHα pho-
tons are scattered with a frequency redistribution.
Since the electrons have higher thermal velocities,
the scattered photons can produce extended emission
features. For example, at the solar photospheric
temperature, the mean thermal electron velocity is
a factor of 43 higher than the proton velocity; i.e., at
a thermal proton velocity of 9.7 km s−1, the electron
velocity is 415 km s−1. For the Hα line, this velocity
corresponds to a shift by 9 Å. Thus, if several percent
of the photons emitted in the Hα core are scattered
by free electrons, then weak emission wings with
a length of several Å can arise. Estimates of the
optical depth for Thomson scattering for a hydrostatic
model with the above parameters give an optical
density τs = 0.1, i.e., the free-electron scattering in
an unperturbed atmosphere may be disregarded. In
addition, a significant number of electrons is con-
tained in the zone above the recombination region.
The maximum postshock electron density for W Vir
is estimated to be 2 × 1016 (Raga et al. 1989); i.e., a
layer 7.5 × 107 cm in thickness, which significantly
exceeds the extent of the radiation zone, provides
an optical depth for Thomson scattering τs = 1. We
conclude that the free-electron scattering mechanism
in the atmospheres of W Vir stars cannot adequately
explain the Hα emission wings.

If the spectroscopic variations of К 307 and W Vir
with phase are assumed to have the same pattern,
then the presence of Stark wings in the Hα emission
profile in the spectrum of К 307 points to phases 0.7–
0.9 (Lèbre and Gillet 1992). The emission feature
in the He I λ5876 Å line is characteristic of phases
0.8–0.0 (Lèbre and Gillet 1992). The phase at which
a similar Hα profile is observed in the spectrum of
W Vir is distinctly different (0.54). The shape of the
Hα profile depends not only on the parameters of
the radiation region but also on the parameters of
the matter outside the stellar atmosphere, while the
Hα emission wings and the emission feature in the
He I λ5876 Å line originate solely in the radiation
region. Therefore, based on the emission features,
we may assume that the spectrum of К 307 was
obtained at the ascending branch of the light curve,
near phase 0.8. The shape of the absorption spectrum
is inconsistent with this assumption. Indeed, a double
absorption-line structure with a radial-velocity differ-
ence of∼50 km s−1 is observed at phases 0.8–0.0 for
W Vir, while for К 307, only one absorption system
ASTRONOMY LETTERS Vol. 29 No. 11 2003
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is seen. We conclude that there is no close similar-
ity between the spectra of W Vir and К 307. Thus,
because of the absence of absorption-line splitting,
we cannot determine the shock velocity and then,
following Wallerstein (1959) or Raga et al. (1989),
estimate the helium abundance. An important fact in
estimating the helium abundance is that other stars
were also investigated in the globular cluster under
consideration. The metallicity of the W Vir star (nor-
malized to the hydrogen abundance) is equal to the
metallicities of the other two stars in M12 that we
investigated by the same method. This equality can
be interpreted as evidence of the normal hydrogen
abundance in the atmosphere of К 307 (the effects
where a significant part of hydrogen is replaced with
helium were discussed by Klochkova et al. 2002).
Let us attempt to estimate the intensity ratio of the

Hα and Hβ components. By Gaussian fitting of the
emission-core remnants, we can restore the central
intensities of the distorted emission profiles. Since
no spectrophotometric data are available for К 307,
we used the fluxes in the photospheric spectrum for
Kurucz’s closest model with parameters (5500, 2.0,
−1.0). The ratio of the Hα and Hβ emission fluxes is
1.8, a value that is lower than the ratio for the pure
recombination mechanism (3). The intensity of the
Hα emission component, even if corrected for effect
of the narrow absorption component, appears to be
underestimated. This is also suggested by evidence
for the presence of a second absorption component,
which shows up in the asymmetry of the red wing of
the Hα emission component. Two narrow absorption
components are clearly distinguished in the Hβ emis-
sion profile corrected for the effect of the photospheric
absorption profile.

Helium Lines
Since there is no matter capable of absorbing

in the corresponding transition above the radiation
layer in the He I 5875.64 Å line, the profile intensity
is measured reliably. The radial velocity determined
from the He I λ5876 Å line is almost equal to the
velocity estimated from metal absorption lines. This
result confirms the conclusion drawn above from the
hydrogen spectrum: the radiation region is virtually at
rest relative to the region that forms the absorption
spectrum.
The intensities of the Balmer hydrogen lines and

the He I λ5876 Å line can be explained mostly by
the recombination mechanism. Consequently, these
intensities must be sensitive to both preshock ion-
ization and postshock collisional ionization. Shull
and McKee (1979) showed that shock waves with
velocities below 80 km s−1 do not produce signifi-
cant preshock ionization. Based on our line position
ASTRONOMY LETTERS Vol. 29 No. 11 2003
measurements, we have no reason to suggest the
presence of such high velocities in the atmosphere
of К 307. Therefore, the preshock matter may be
assumed to be nonionized.
Wallerstein (1959) was the first to estimate the he-

lium abundance in the atmosphere of W Vir by using
the LTE approximation. Let us repeat this estimation
for К 307 by correcting the Hβ emission profile for
the photospheric absorption component. Given the
ratio of the continuum fluxes near He I λ5876 Å and
Hβ for Kurucz’s model with parameters (5500, 2.0,
−1.0), the intensity ratio of these emission lines in the
spectrum of К 307 is 0.10. The Hα and He I λ5876 Å
intensity ratio is 18. FollowingWallerstein (1959), we
obtain the ratio N(H)/N(He) = 13.8 by the number
of particles. Thus, there is no reason to believe that
the atmospheric helium abundance for К 307 exceeds
its solar value.

The Chemical Composition

The metallicity of the globular cluster M12 was
previously estimated from photometric data and low-
resolution spectra. Da Costa and Armandroff (1995)
obtained [Fe/H] = −1.34 from their observations of
the Ca II (8498, 8542, 8662 Å) triplet and assigned
M12 to the intermediate subsystem of globular clus-
ters. However, based on the intensity of the Ca II
triplet, Rutledge et al. (1997) derived a higher metal-
licity, [Fe/H] = −1.14, from low-resolution spectra.
Based on high-resolution spectroscopic observations
of several stars in selected globular clusters, Carretta
and Gratton (1997) suggested a new homogeneous
metallicity scale for an extensive sample of globular
clusters. In particular, they obtained [Fe/H] = −1.37
for M12. Klochkova and Samus’ (2001) published
the detailed chemical composition of K 413—one
of the UV-bright stars in the globular cluster M12.
Based on high-resolution spectra, these authors
found the star’s metallicity to be [Fe/H] = −1.38
and concluded that, judging by its set of parameters,
K 413 is most likely in the post-AGB evolutionary
phase. Table 1 gives the chemical composition of
K 413 for comparison with the chemical composition
of the W Vir star. It follows from the cluster diagram
that theWVir star is located in the region of stars that
are much more luminous than K 413. The absolute
magnitude Mv = −1.73m for K 413 is fainter than
that for the W Virginis by almost one magnitude.

For the two stars studie here, K 307 and K 307b,
Table 1 gives the elemental abundances log ε(X) av-
eraged over the set of measured lines and their dis-
persions σ. The second column in Table 1 gives the
corresponding data from Grevesse et al. (1996) for
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the solar atmosphere that we used to determine the
relative abundances

[X/Fe] = [log ε(X) − log ε(Fe)]�
− [log ε(X) − log ε(Fe)]�,

which are required to analyze the abundance curve
of the chemical elements. Below, we consider the
abundance pattern of the chemical elements in the
atmosphere of the star under study in more detail (see
Table 1).

Metallicity. [Fe/H] = −1.27 for K 307 and
[Fe/H] = −1.22 for K 307b are in good agree-
ment with the results obtained by Klochkova and
Samus’ (2001) for K 413. The pattern of relative
elemental abundances [X/Fe] in the atmosphere of
K 307b differs only slightly from the solar pattern.
Statistically significant differences were found only
for the α-process elements: [X/Fe] = +0.35 for Na,
Mg, Al, and Si. The abundances of the remaining
elements, within the error limits, correspond to the
star’s metallicity.
Let us consider the peculiar chemical composition

of the W Vir star in more detail. The abundances
of the iron-group metals (chromium, manganese,
nickel, and zinc) for K 307 differ only slightly from the
iron abundance: [Met/Fe] = −0.04. The zinc abun-
dance, which does not change during stellar nucle-
osynthesis in the interiors of low- and intermediate-
mass stars, changes by the same amount as the
iron abundance over a wide metallicity range (Sne-
den et al. 1991). Therefore, the inference about
the zinc abundance does not depend on the scale
(differential or absolute) on which it was determined.
For K 307, we obtained a normal (relative to iron)
zinc abundance from two lines: [Zn/Fe] = +0.10.
This circumstance, in combination with the normal
[Ca/Fe] and [Sc/Fe] ratios, leads us to conclude
that there is no selective separation of chemical
elements in the circumstellar shell of K 307. The good
agreement between the metallicity of K 307 and the
mean metallicity of the globular cluster as a whole
also confirms this conclusion.

The CNO elements. The CNO abundances
are of fundamental importance in determining the
evolutionary status of an evolved star. We determined
the carbon abundance, [C/Fe] = +0.22, from six
low-intensity C I lines (mostly with Wλ < 10 mÅ).
The N I 7442 and 7468 Å lines are stronger (Wλ =
14mÅ); the abundances derived from the two lines are
in good agreement. The small oxygen overabundance
([O/Fe] = +0.30) revealed by the reliably measured
infrared oxygen λ7773 Å triplet lines is mainly at-
tributable to non-LTE effects. The LTE approxi-
mation for a high-luminosity star is known to yield
significantly underestimated intensities of the oxygen
triplet lines, which results in an overestimation of
the oxygen abundance. For example, as follows from
the calculations by Takeda (1992), Wλ for an F–
G supergiant (log g = 1.0 and a microturbulence of
5 km s−1) in the LTE approximation is a factor
of 2 smaller that its value calculated by taking
into account the non-LTE level populations. Thus,
our derived oxygen overabundance is most likely
methodological in origin; for K 307, we observe not
an overabundance but a moderate underabundance of
oxygen, approximately [O/Fe] = −0.20. As a result,
for the atmosphere of the W Vir star, carbon may be
said to be slightly overabundant, while nitrogen is
significantly enhanced and oxygen is underabundant,
suggesting that the CN- and ON-cycle products
have already been dredged up into the atmospheric
surface layers.

Light metals. Let us consider the behavior of the
atmospheric abundances of light metals for K 307.
We obtained data for sodium and aluminum from
the group of odd elements. Sodium is slightly en-
hanced: [Na/Fe] = +0.43, which, as Denisenkov and
Ivanov (1987) and Denisenkov (1989) showed, can
be a manifestation of the sodium synthesis during
hydrogen burning. However, part of the derived
Na overabundance is probably attributable to non-
LTE effects. Mashonkina et al. (2000) analyzed
the statistical equilibrium for a sodium atom over a
wide range of stellar-atmosphere parameters. These
authors showed that, for our subordinate sodium
lines in the case of a high-luminosity star with
Teff ≈ 5500 K, an allowance for the overionization
of the sodium atom leads to sodium-abundance
corrections of about −0.17 dex in comparison with
the LTE approximation. Consequently, a third of
the sodium overabundance that we found can be
methodological rather than evolutionary in origin.
We obtained a high aluminum abundance,

[Al/Fe] = +0.81, from the λ7084.6 Å line. The de-
rived aluminum overabundance matches with the
oxygen underabundance. According to Shetrone
(1996), the Al–O anticorrelation is a common phe-
nomenon for stars in globular clusters with a medium
metal underabundance. Klochkova and Samus’
(2001) obtained a contradictory pattern for K 413: an
overabundance of both O I and Al I. In contrast, for
the W Vir star, the ratio of CNO and light elements
is similar to that observed for most of the stars
near the tip of the giant branch (Drake et al. 1992;
Kraft et al. 1993; Norris and Da Costa 1995), more
specifically, an overabundance of N, Al, and Na with
an O underabundance.
Of the even α-process elements, we determined

the abundance of Mg, Si, S, Ca, and Ti for K 307.
Mg, Ca, and Ti are slightly enhanced relative to
ASTRONOMY LETTERS Vol. 29 No. 11 2003



SPECTROSCOPY OF THE W VIRGINIS STAR V1 (K 307) 759
iron; the overabundance for them is, on average,
[X/Fe] = +0.14. In the atmosphere of the W Vir
star, Na and Mg are enhanced relative to those for
K 413, while the behavior of aluminum is the same for
both stars. It should be noted that Ti (as well as Sc)
is an intermediate element, which is occasionally
considered as the heaviest α-process element or
the lightest iron-group metal (Wheeler et al. 1989;
Armorsky et al. 1994).

The silicon overabundance [Si/Fe] =
+0.31 was reliably determined from two ionization
states. A similar relative silicon abundance [Si/Fe] is
observed for K 413 and in the atmospheres of most
unevolved stars with a metallicity close to the metal-
licity of M12 (Timmes et al. 1995). Consequently,
based on the data obtained, we can say that the silicon
abundance for the W Vir star is normal.

The sulfur abundance for the two stars stud-
ied is large (Table 1). Previously, Klochkova and
Samus’ (2001) also obtained a similar result for
K 413. The large sulfur overabundance observed in
the atmospheres of evolved stars has not yet been
completely explained. This problemwas considered in
more detail by Klochkova et al. (2002). Israelian and
Rebolo (2001) showed that a sulfur overabundance
increasing with a decreasing metallicity of the star
is also characteristic of metal-poor subdwarfs. This
effect could also be responsible for a fraction of the
sulfur overabundance in K 307 and its neighbor.
Taking into account the absence of a calcium over-
abundance and a scandium underabundance, we
attribute part of the observed sulfur overabundance
for these stars to methodological factors.

Heavy metals. Of greatest importance in the
abundance pattern of evolved stars are the abun-
dances of heavy metals, which are synthesized
through slow neutronization. It is generally believed
(Schwarzshild and Härm 1965; Lattanzio and Fores-
tini 1999; Blöcker 2001) that an overabundance of
heavy metals due to the neutronization, mixing, and
dredging-up of the matter that has passed through
these processes in the stellar interior can be observed
in the atmospheres of post-AGB stars. As we see
from the data in Table 1, these elements are actually
enhanced relative to iron in the atmosphere of K 307.
The barium abundance was reliably found from two
lines to be [Ba/Fe] = +0.34; the barium overabun-
dance may also be larger, because we have reason
to suspect that the Ba II lines in the spectrum of
K 307 have weak emission components that reduce
the equivalent widths of the absorption features. The
relative abundances of lighter s-process metals (Y,
Zr) are also enhanced relative to their solar content;
ASTRONOMY LETTERS Vol. 29 No. 11 2003
on average, [s/Fe] = +0.34 for them. The overabun-
dance of heavy s-process metals (La, Ce, Nd) is more
pronounced: [s/Fe] = +0.49.
Europium, which is synthesized during rapid neu-

tronization, is evenmore enhanced: [Eu/Fe] = +0.82.
The derived europium overabundance is much higher
than the value typical of stars in metal-poor glob-
ular clusters synthesized only during the r-process:
[Eu/Fe] = +0.5 (Shetrone 1996). The ratio
log (Ba/Eu) ≈ +1.1, which is a standard indicator
of the contribution from the r- and s-processes,
indicates that the s-process is efficient (Spite 1992).
The ratio [La/Eu] ≈ −0.14 also argues for the s-
process (McWilliam 1997).
In general, although the metallicities are in good

agreement, the chemical composition of K 307 differs
from that of the star K 413 in M12. Unfortunately, the
CNO abundances for K 413 were determined unreli-
ably by Klochkova and Samus’ (2001). However, the
abundances of α-process elements and heavy metals
were determined reliably for the two stars. Therefore,
it can be said with confidence that Y, Zr, Ba, La, Ce,
and Eu in the atmosphere of K 307 are significantly
enhanced, compared to those for K 413.
Thus, we may conclude that we detected the

dredge-up of CN- and ON-cycle and s-process
elements into the observed atmospheric layers of
K 307. The presence or absence of an overabun-
dance of s-process elements in the atmospheres of
supergiants, including post-AGB ones, is somehow
related to such fundamental parameters of the star as
its initial mass and mass-loss rate, which determine
the course of the evolution of a specific star. Gonzalez
and Wallerstein (1994) concluded that the main
parameter that determines whether the synthesis
products are dredged up into the atmosphere of a
post-AGB star is its luminosity. Using K 307 as an
example, we confirmed the conclusion by Gonzalez
and Wallerstein (1994) that the overabundances of
CNO and s-process elements correlate.
It is instructive to compare the parameters of

K 307 and a canonical post-AGB object, which the
highly evolved star ROA 24 in the globular cluster
ω Cen is believed to be; based on high-resolution
spectra, Gonzalez and Wallerstein (1992) determined
the detailed chemical composition for this star. The
chemical peculiarities (the large overabundances of
the CNO-elements and s-process metals detected in
the atmosphere of ROA 24) of the brightest star in the
system of Galactic globular clusters in combination
with its high luminosity strongly suggest that this
is a post-AGB object that is evolving toward the
state of a white dwarf. We compared our elemental
abundances for the W Vir star with the data for
ROA 24 and concluded that the chemical elements
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for these stars have similar abundance patterns.
However, there are also differences: both quanti-
tative, in the overabundances of certain elements
(particularly CNO), and qualitative, in the opposite
behavior of the oxygen and aluminum abundances.
The difference between the luminosities (and, hence,
masses) of the stars being compared appears to be
mainly responsible for these differences: according
to Gonzalez and Wallerstein (1992), the absolute
magnitude of ROA 24 is MV = −3m. 66, while the
W Vir is fainter by one magnitude, MV = −2m. 6.
The supergiant ROA 24 has already crossed the
instability strip at least once, while K 307 is in the
stage of pulsation instability. The star V84 in the
globular cluster М5, one of the variable F and
G stars in globular clusters studied by Gonzalez and
Lambert (1997), is the object that is closest to the
W Vir star in parameters (temperature, luminosity,
metallicity, sodium and aluminum overabundances
combined with an oxygen underabundance, over-
abundance of s-process elements).

Here, it is pertinent to recall the hypothesis by
Luck and Bond (1989) that the large underabun-
dance of s-process elements in field W Vir stars is
attributable to the effect where extremely metal-poor
stars have virtually exhausted their hydrogen; as a re-
sult, an enhanced (relative to the left hydrogen) metal
abundance is observed, while the relative elemen-
tal abundances (including the underabundance of s-
process elements) correspond to extremely metal-
poor stars. The results of our study for theWVir in the
globular cluster are inconsistent with this hypothesis.
First, the metallicity of the W Vir star, within the
error limits, is equal to the metallicity of the other two
luminous stars that we studied by the same method.
We have no sufficient reason to suggest that W Vir
initially had a low metal abundance and squandered
such an amount of hydrogen that its metallicity nor-
malized to the left hydrogen is equal to the metallic-
ity of other cluster stars. Second, in contrast to the
field W Vir stars, K 307 exhibits an enhancement of
heavy elements (relative to iron). Third, the estimate
obtained in the LTE approximation from the helium
and hydrogen emission spectrum points to a helium
abundance that does not exceed its solar value.

We emphasize that the detailed chemical compo-
sition of post-AGB stars in globular clusters matches
the elemental abundances in the atmospheres of
stars that are candidates for protoplanetary nebulae
in the Galactic field. A great deal of data for the
latter has been published in the last decade (see,
e.g., Klochkova (1995); van Winckel and Reyn-
ers (2000); Klochkova et al. (2001, 2002); and
references therein).
CONCLUSIONS

The high-resolution spectra for the W Vir star
V1= K 307 in the globular cluster M12 and its near-
est neighbor, a faint star (mpg = 14m) located at an
angular distance of δ < 1 arcsec from the W Vir star,
have been studied for the first time. The radial veloc-
ities of the two stars, Vr = −40.6 and −39.2 km s−1,
confirm that they belong to this cluster.

We determined the fundamental parameters for
the two stars (Teff = 5600 K, log g = 1.3, and Teff =
4200 K, log g = 1.0 for the W Vir star and its neigh-
bor, respectively) and their detailed chemical com-
position. The derived metallicities for the two stars
([Fe/H] = −1.27 and −1.22) are in good agreement
with themetallicity of the globular clusterM12. In the
atmosphere of the W Vir star, we found CNO abun-
dances that changed during its evolution: an en-
hanced carbon abundance, [C/Fe] = +0.30 dex, in
combination with a large nitrogen overabundance,
[N/Fe] = +1.15 dex, and an oxygen underabun-
dance, [O/Fe] ≈ −0.2 dex. The C/O ratio is ≥1.
The light metals Mg, Ca, and Ti are slightly en-
hanced relative to iron; on average, [X/Fe] = +0.14.
The sodium and silicon overabundances are larger,
[Na/Fe] = +0.43 and [Si/Fe] = +0.31. We found
an enhanced (relative to iron) abundance of the
light metals synthesized during slow neutronization:
[X/Fe] = +0.34 for Y, Zr, and Ba. The behavior
of CNO and heavy metals suggests that the synthesis
products of these elements are effectively dredged
up to the stellar surface. The overabundance of the
heavier metals La, Ce, and Nd relative to iron is
larger: [X/Fe] = +0.49. The largest overabundance
was found for europium, [Eu/Fe] = +0.82. The high
luminosity logL/L� = 2.98, the chemical peculiari-
ties, and the spectroscopic peculiarity are consistent
with the post-AGB evolution of a star with a core
massM/M� = 0.52 in the instability strip.

The pattern of relative elemental abundances
[X/Fe] in the atmosphere of the neighboring star
K 307b is solar. Statistically significant differences
were found only for the α-process elements: [X/Fe]=
+0.35 for Na, Mg, Al, and Si.

The spectrum of the W Vir star exhibits the Hα
and Hβ absorption–emission profiles and the HeI
λ5876 Å emission profile attributable to the shock
passage in the stellar atmosphere. However, the
radial-velocity pattern is in conflict with the formation
conditions for a strong shock wave. Apart from
this peculiarity, we detected absorption bands in the
spectrum of K 307 whose positions allow them to be
identified with the so-called diffuse interstellar bands.
ASTRONOMY LETTERS Vol. 29 No. 11 2003
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FG Sagittae: New Observations in the R CrB Photometric Phase
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Abstract—In 1999–2002, we continued our photometric and spectroscopic observations of FG Sge. This
star has been in a new R CrB photometric phase since 1992. We constructed the BV RI light curves and
studied the behavior of the color indices as a function of the fading amplitude. As previously, all of the three
deep minima observed during this period were found to be blue on the descent; this was interpreted as the
result of strong stellar light scattering in dust clouds formed on the line of sight.We analyzed the wavelength
dependence of extinction in the circumstellar shell outside fadings, whichwas similar toWhitford’s standard
reddening law. Low-resolution spectroscopic observations allowed us to study the changes in the intensities
of Swan bands and the Na I D doublet during deep and shallow (up to 1m) fadings. We confirmed the
reversal of the spectrum of the extended stellar envelope on the descending branches of deep minima.
c© 2003 MAIK “Nauka/Interperiodica”.

Key words: stars—variable and peculiar, planetary nebula nuclei, FG Sge.
INTRODUCTION

The central star of the planetary nebula Не 1-5,
the well-known variable FG Sge, has long been a
whetstone on which the details of the theory of late
stellar evolution are sharpened. The unprecedented
secular changes in brightness and temperature, the
hypertrophic chemical composition of the atmosphere
in the early 1970s, the unexpected appearance of
deep fadings in the early 1990s due to the forma-
tion of dust clouds in the circumstellar shell, and
the presence of a classical planetary nebula around
the star—all of these observational facts have stimu-
lated the theoretical studies of post-AGB stellar evo-
lution and provided a deeper insight into the stage
of helium shell flashes and, in particular, the role
of the final helium flash in the cooling phase of a
white dwarf—the central star of the planetary nebula
(Schoenberner 1983; Iben 1984; Bloecker 1995; Her-
wig et al. 1997; Bloecker and Schoenberner 1997;
Lawlor and Mac Donald 2003). FG Sge is currently
recognized as the brightest of the three known objects
in the stage of a final helium flash in planetary nebula
nuclei.

Multicolor photometric observations, mainly in
three colors (UBV ) before the early 1990s and in a
wider wavelength range (UBVRIJHKLM ) in the
last decade, have yielded important information about
the parameters of the star at various stages of its evo-
lution. Three-color photometry of FG Sge has been

*E-mail: vera@sai.msu.ru
1063-7737/03/2911-0763$24.00 c©
systematically performed since 1967 at the Crimean
Station of the Sternberg Astronomical Institute
(SAI). Several thousand UBV -magnitude estimates
have been obtained in the past 35 years. They were
published in a series of papers by Arkhipova (1982,
1988, 1993). The photometric behavior of the star
was analyzed in detail over the period 1967–1991:
we found brightness and color trends attributable
to a secular decrease in stellar temperature, studied
quasi-periodic pulsations, and showed the amplitude
and duration of the pulsation cycle to increase as the
star cools down (Arkhipova 1993).

Figure 1 shows our V light curve from 1973
to 1991, which has not been published previously
in complete form. It strongly suggests pulsations of
the star and an increase in their period and amplitude
with time. The pulsation amplitude and shape differed
greatly at different times; the pulsations were most
regular when the star passed through the instability
strip in the spectrum–luminosity diagram. We have
repeatedly observed a halt in brightness pulsations
with a duration of one or two cycles, following which
a new buildup began. All of these facts pointed to the
absence of a strict periodicity that may be attributable
to the presence of several oscillation frequencies.
However, on average, the observed pulsation quasi-
period increased over 25 years from 60 to 110–
120 days (by 1992). This increase resulted from the
decrease in the mean density of the star because its
expansion.
2003 MAIK “Nauka/Interperiodica”
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Fig. 1. Segments of the V light curve for FG Sge be-
fore 1992.

A new photometric phase of the star began
in 1992, when the brightness of FG Sge suddenly
began to decline at a rate of about 0m. 1 per day and
reached 14m in V . The amplitude of the brightness
decline was more than 5m. In addition, the B–V
and U–B color indices systematically decreased as
the star was descending to its minimum by more
than 1m in general. In succeeding years, these fadings
were repeated with various amplitudes; a significant
decrease in color indices on the descent and, as a rule,
their return to the initial value after the emergence
from the minimum have always been observed during
the deepest (by 5–7m) fadings. During fadings by
1–2m, the color indices usually exhibit only small
changes. We called the new photometric phase of
FG Sge that began in 1992 an R CrB phase, by
analogy with the photometric behavior of this type
of stars. As in R CrB stars, the deep fadings of
FG Sge are attributable to the formation of dust in
the matter ejected by the star, which was first proved
by infrared observations (Woodward et al. 1993). Our
observations of the star after 1991 were published in
papers by Arkhipova (1994, 1996) and Arkhipova et
al. (1999).

From 1992 until 2002, FG Sge experienced at
least ten R CrB fadings. The deepest photometric
minima were in 1998, 1999, 2001, and 2002.

In this paper, we present our photometric observa-
tions of the star from 1999 until 2002. Apart from the
UBV bands, the observations have also been carried
out since 1997 in the R and I bands of Johnson’s
multicolor system. In addition, we used our spectro-
scopic observations to search for a correlation be-
tween the spectroscopic and photometric variations of
FG Sge in the R CrB phase. Below, we also consider
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Fig. 2. The light and color curves for FG Sge in 1999–
2002. Different symbols refer to different detectors: the
crosses and open circles represent the photoelectric ob-
servations corrected for the contributions from the com-
panion and the nebula, respectively; the filled circles rep-
resent the CCD observations.

the extinction parameters of the star in the gas–dust
circumstellar shell formed during mass ejections.

UBV RI PHOTOMETRY OF FG Sge
IN 1999–2002

We observed the star with two Zeiss-600 tele-
scopes at the Crimean Station of the SAI. We used
a UBV photometer for photoelectric measurements
and two photometers equipped with a CCD cam-
era with SBIG ST-6 and ST-7 CCD arrays for
BV RI brightness measurements.

In our photoelectric observations, BD+ 19◦4319
(“x” in our old notation) was the comparison star. In
our CCD brightness measurements, the comparison
star was mainly the optical companion of FG Sge lo-
cated 7′′ east of it; we had determined its magnitudes
previously (Arkhipova 1996; Arkhipova et al. 1999)
and redetermined them for this paper. Finally, we
took the following magnitudes for the companion
of FG Sge in Johnson’s system: B(com) = 13m. 84,
V (com) = 12m. 33, R(com) = 11m. 19, I(com) =
10m. 33. In addition to this companion, we also occa-
sionally used other photometric standard stars near
FG Sge from the above papers.
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Table 1. The photoelectric observations of FG Sge in 1999–2000

JD 2400000+ V B U B–V U–B d JD 2400000+ V B U B–V U–B d

51 336 10m. 61 12m. 55 14m. 43 1m. 94 1m. 88 27′′ 51 780 9m. 86 11m. 97 13m. 69 2m. 11 1m. 72 27′′

51 348 10.46 12.63 14.54 2.17 1.90 27 51 782 9.92 12.03 13.56 2.11 1.53 27
51 351 10.49 12.68 14.78 2.19 2.10 13 51 788 10.06 12.21 13.92 2.15 1.71 27
51 364 10.63 12.82 14.72 2.19 1.90 27 51 789 10.09 12.24 14.06 2.15 1.82 27
51 364 10.63 12.73 15.09 2.10 2.36 13 51 791 10.18 12.36 13.91 2.18 1.55 27
51 369 10.70 12.87 14.34 2.17 1.47 27 51 806 10.44 12.60 14.94 2.16 2.34 27
51 369 10.66 12.88 14.58 2.22 1.70 13 51 815 10.53 12.69 14.49 2.16 1.80 27
51 370 10.70 12.88 14.80 2.18 1.92 13 51 819 10.54 12.73 14.30 2.19 1.57 27
51 374 10.77 12.90 14.75 2.13 1.85 13 51 824 10.52 12.69 14.43 2.17 1.74 27
51 383 10.79 12.94 15.29 2.15 2.35 13 51 834 10.39 12.62 14.03 2.23 1.41 27
51 397 10.78 12.97 15.13 2.19 2.16 13 51 838 10.31 – – – – 27
51 399 10.71 12.94 16.79 2.23 3.85 13 51 841 10.25 12.47 14.29 2.22 1.82 27
51 402 10.56 12.74 14.56 2.18 1.82 27 51 843 10.18 12.39 14.59 2.21 2.199 27
51 408 10.33 12.62 15.20 2.29 2.58 13 51 844 10.17 12.39 14.24 2.22 1.85 27
51 409 10.30 12.49 14.29 2.19 1.80 27 51 844 10.18 12.42 14.40 2.24 1.98 13
51 411 10.20 12.49 14.32 2.29 1.83 13 51 847 10.12 12.36 14.32 2.24 1.96 27
51 423 10.28 12.39 14.06 2.11 1.67 27 51 849 10.05 12.32 14.40 2.27 2.08 27
51 451 13.62 14.96 – 1.34 – 27 51 850 10.06 12.33 14.32 2.27 1.99 27
51 451 13.77 – – – – 13 51 850 10.05 12.29 14.51 2.24 2.22 13
51 452 13.73 15.73 17.17 2.00 1.46 27 51 853 9.97 12.25 14.32 2.28 2.07 13
51 453 14.25 15.75 – 1.50 – 27 51 856 9.92 12.26 14.14 2.34 1.88 13
51 454 14.48 16.38 – 1.90 – 27 51 865 9.74 12.07 14.32 2.33 2.25 13
51 455 14.59 15.67 17.13 1.10 1.46 27 51 867 9.73 12.09 14.32 2.36 2.23 13
51 456 14.33 16.17 – 1.84 – 27 51 982 10.34 12.63 14.08 2.29 1.45 27
51 462 14.55 16.15 – 1.60 – 27 51 986 10.38 12.72 15.32 2.34 2.60 27
51 687 10.50 12.66 14.57 2.16 1.91 27 51 987 10.37 12.69 14.92 2.32 2.23 27
51 692 10.49 12.65 14.56 2.16 1.91 27 52 029 11.11 13.45 15.44 2.34 1.99 27
51 693 10.45 12.61 14.08 2.16 1.47 27 52 041 12.08 14.53 15.64 2.45 1.11 27
51 695 10.47 12.61 14.13 2.14 1.52 27 52 041 12.13 – – – – 13
51 701 10.44 12.58 14.34 2.14 1.76 27 52 045 12.66 14.69 – 2.03 – 27
51 707 10.40 12.52 14.23 2.12 1.71 27 52 046 12.87 15.12 16.38 2.25 1.26 27
51 720 10.21 12.38 13.96 2.17 1.58 27 52 046 12.88 15.32 – 2.44 – 13
51 721 10.20 12.34 13.86 2.14 1.52 27 52 047 13.15 15.33 – 2.18 – 27
51 722 10.18 12.36 14.07 2.18 1.71 13 52 047 13.11 15.81 – 2.70 – 13
51 724 10.13 12.34 14.34 2.21 2.00 13 52 048 13.22 15.38 – 2.16 – 27
51 725 10.14 12.33 14.29 2.19 1.96 13 52 048 13.33 15.91 – 2.58 – 13
51 730 10.06 12.25 14.22 2.19 1.97 13 52 050 13.74 15.70 17.31 1.96 1.61 27
51 732 10.02 12.24 14.09 2.22 1.85 13 52 051 13.70 16.00 16.70 2.30 0.70 27
51 750 9.70 11.86 13.75 2.16 1.89 27 52 053 14.88 16.07 – 1.19 – 27
51 754 9.66 11.82 13.64 2.16 1.82 27 52 054 15.28 16.46 – 1.18 – 27
51 761 9.71 11.86 13.49 2.15 1.63 27 52 071 15.27 16.31 – 1.04 – 27
51 765 9.63 11.77 13.50 2.14 1.73 27 52 428 13.34 15.42 – 2.08 – 27
51 767 9.68 11.82 13.55 2.14 1.73 27 52 434 13.48 15.39 – 1.91 – 27
51 768 9.70 11.84 13.38 2.14 1.54 27 52 439 13.27 15.25 – 1.98 – 27
51 776 9.80 11.97 13.41 2.17 1.44 27 52 440 13.37 15.48 – 2.11 – 27
51 777 9.83 11.98 13.81 2.15 1.83 27 52 444 13.34 15.19 – 1.85 – 27
51 778 9.83 11.97 13.78 2.14 1.81 27 52 445 13.54 15.83 – 2.29 – 27
51 779 9.83 11.97 – 2.14 – 27 52 460 13.77 16.01 – 2.24 – 27
ASTRONOMY LETTERS Vol. 29 No. 11 2003
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Table 2. The photometric observations of FG Sge in 1999–2002

JD 2400000+ B V B–V R V−R I V−I Detector

51 302 – 10m. 11 – 8m. 38 1m. 73 7m. 89 2m. 22 ST-7

51 305 12m. 31 10.14 2m. 17 8.42 1.72 7.90 2.24 ST-7

51 438 13.31 11.51 1.80 10.20 1.31 9.24 2.27 ST-7

51 440 – 11.77 – 10.36 1.41 9.40 2.37 ST-7

51 441 13.62 11.94 1.68 10.55 1.39 9.47 2.47 ST-7

51 442 13.98 12.20 1.78 10.78 1.42 9.65 2.55 ST-7

51 443 14.14 12.38 1.76 10.93 1.45 9.82 2.56 ST-7

51 444 14.36 12.59 1.77 11.11 1.48 9.99 2.60 ST-7

51 445 14.43 12.75 1.68 11.28 1.47 10.13 2.62 ST-7

51 446 – 13.28 – 11.79 1.49 – – ST-7

51 448 14.60 13.28 1.32 11.80 1.48 10.59 2.69 ST-7

51 463 – 15.05 – 13.21 1.84 11.53 3.52 ST-7

51 467 – 15.11 – 13.26 1.85 11.53 3.58 ST-7

51 468 – 15.23 – 13.28 1.95 11.55 3.68 ST-7

51 482 – 15.48 – 13.49 1.99 11.76 3.72 ST-7

51 487 – 15.31 – 13.51 1.80 11.83 3.48 ST-7

51 497 16.93 15.32 1.61 13.72 1.60 11.83 3.49 ST-7

51 502 16.66 15.00 1.66 13.35 1.65 11.64 3.36 ST-7

51 522 15.25 13.20 2.05 11.40 1.80 10.23 2.97 ST-7

51 609 13.34 11.18 2.16 9.79 1.39 8.77 2.41 ST-6

51 617 – 11.07 – 9.59 1.48 8.74 2.33 ST-6

51 632 12.86 10.86 2.00 9.40 1.46 8.32 2.54 ST-7

51 641 12.79 10.74 2.05 9.21 1.53 – – ST-7

51 658 – 10.64 – 9.48 1.16 8.17 2.57 ST-6

51 667 – 10.59 – 9.38 1.21 – – ST-6

51 781 11.92 9.96 1.96 8.56 1.40 7.61 2.35 ST-7

51 788 12.14 10.12 1.99 8.72 1.43 7.79 2.33 ST-7

51 794 – 10.30 – 8.83 1.47 7.86 2.44 ST-7

51 798 – 10.32 – 8.88 1.44 7.86 2.46 ST-7

51 800 12.61 10.40 2.20 8.94 1.46 7.87 2.53 ST-7

51 802 – 10.44 – 8.94 1.50 7.91 2.53 ST-7

51 804 12.56 10.49 2.07 9.01 1.48 7.96 2.53 ST-7

51 817 – 10.65 – 9.14 1.51 8.03 2.62 ST-7

51 820 12.77 10.58 2.19 9.17 1.41 8.13 2.45 ST-6

51 827 12.73 10.56 2.17 9.14 1.42 8.05 2.51 ST-6

51 839 12.54 10.33 2.21 9.01 1.32 7.84 2.49 ST-6

51 866 – 9.87 – 8.36 1.51 7.56 2.31 ST-7

51 868 11.95 9.92 2.03 8.45 1.47 7.58 2.34 ST-7

51 887 11.99 10.02 1.97 8.54 1.48 7.59 2.43 ST-7

51 935 – 9.70 – 8.36 1.34 – – ST-6
ASTRONOMY LETTERS Vol. 29 No. 11 2003
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Table 2. (Contd.)

JD 2400000+ B V B–V R V−R I V−I Detector

51 998 12.73 10.48 2.25 9.28 1.20 – – ST-6

52 029 – 11.14 – 9.65 1.48 8.72 2.42 ST-7

52 031 – 11.30 – 9.76 1.54 8.74 2.56 ST-7

52 051 – – – 12.66 – – – ST-6

52 055 – 15.73 – – – 12.39 3.34 ST-6

52 129 – 16.40 – 15.31 1.09 13.17 3.23 ST-6

52 130 – 16.21 – 15.34 0.87 13.19 3.02 ST-6

52 169 – 16.20 – 15.42 0.78 13.51 2.69 ST-6

52 175 – 16.94 – 15.64 1.30 14.02 2.92 ST-7

52 177 – 16.70 – 15.53 1.17 13.97 2.73 ST-7

52 188 – 17.13 – 15.65 1.48 13.96 3.17 ST-7

52 191 – 17.08 – 15.56 1.53 14.02 3.06 ST-7

52 248 – 15.01 – 12.73 2.28 11.36 3.65 ST-7

52 251 – 15.01 – 12.64 2.37 11.22 3.79 ST-7

52 261 – 14.04 – 12.17 1.88 10.81 3.23 ST-7

52 350 – – – 11.72 – 10.45 – ST-6

52 364 – 13.44 – 11.76 1.68 10.45 2.99 ST-6

52 374 – 13.42 – 11.69 1.73 10.40 3.02 ST-6

52 383 15.61 13.35 2.26 11.66 1.69 10.39 2.96 ST-6

52 406 15.04 13.20 1.84 11.62 1.58 10.36 2.84 ST-6

52 435 – 13.43 – 11.52 1.91 10.51 2.92 ST-6

52 439 – 13.46 – 11.62 1.84 10.14 3.32 ST-7

52 440 – 13.47 – 11.60 1.87 10.19 3.28 ST-7

52 442 – 13.47 – 11.61 1.87 10.18 3.29 ST-7

52 446 – 13.54 – 11.66 1.88 10.24 3.30 ST-7

52 448 – 13.51 – 11.68 1.84 10.26 3.25 ST-7

52 450 16.04 13.51 2.53 11.72 1.78 10.33 3.18 ST-7

52 455 – 13.68 – 11.90 1.78 10.52 3.16 ST-7

52 458 15.29 – – 12.04 – 10.66 – ST-6

52 463 15.67 13.90 1.77 12.26 1.64 10.95 2.95 ST-6

52 464 15.57 14.00 1.57 12.28 1.72 10.96 3.04 ST-6

52 469 16.43 14.28 2.15 12.60 1.68 11.23 3.05 ST-7

52 472 16.55 14.42 2.13 12.83 1.59 11.49 2.93 ST-7

52 476 16.78 14.80 1.98 13.30 1.50 11.87 2.93 ST-7

52 486 – 15.17 – 14.10 1.06 – – ST-6

52 493 – 15.74 – – – – – ST-6

52 499 – 16.44 – 14.46 1.98 12.67 3.77 ST-6

52 534 – 17.05 – 15.47 1.58 13.38 3.67 ST-7

52 537 – 17.34 – 15.51 1.83 13.37 3.97 ST-7

52 540 – 17.30 – 15.62 1.68 13.52 3.78 ST-7

52 551 – – – – – 13.8 – ST-6
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Fig. 3. The V −I color–V magnitude diagram for
FG Sge.

In our photoelectric observations, we used 13′′ and
27′′ photometer apertures. The measurements with
these apertures should be corrected for the contri-
butions from the nebula surrounding the star and
the companion. The magnitudes in each band are
known from our previous measurements (Arkhipo-
va 1996). We obtained photoelectric data mainly for
the star’s brighter states and carried out CCD photo-
metric measurements when it faded below 12m. 5 in V .

Table 1 gives our photoelectric UBV magnitudes
of the star, while Table 2 gives our BV RI CCD ob-
servations for 1999–2002. Figure 2 shows the light
and color curves for the same period. The accuracy
of the magnitude estimates depends significantly on
the brightness level, being about 0m. 01 in a bright
state and about 0m. 05 or even 0m. 2 at deep photometric
minima. The error in the color indices can reach 0m. 3
at the deepest minima.

We see that FGSge experienced three deep RCrB
fadings over the last four years; the minimum of 2001
was double, as in 1994, but much deeper, and the
brightness did not rise to its maximum by the begin-
ning of the next minimum in 2002 but stopped at 13m

in V . Note the similarity between the brightness de-
cline amplitudes in the V , R, and I bands.

The deep minima of 1999 and 2001 were both blue
on the descent, as the previous minima of 1992, 1994,
1995, 1998, and, probably, 1996, although nobody
has obtained any estimate of the B–V color index
for the latter on the descending branch. Note that
the R CrB photometric phase in 1992 began precisely
from a blue minimum; we performed its observations
(Arkhipova 1994). After the minimum brightness is
reached, the B–V color index generally increases
rapidly, reaches a maximum, and then decreases as
the star emerges from its minimum, returning to the
original, or a slightly larger value.
During the shallow (∼1m) fading in 2000, the
B–V color index was nearly constant on the de-
scending branch and began to systematically increase
only on the ascending branch.

In 2002, we carried out our photoelectric obser-
vations when the V magnitude was 13–14m and the
errors in B–V reached ±0m. 2. Therefore, it is difficult
to judge whether the magnitude correlates with the
color on the descending branch.

The V−R color index shows a significant scat-
ter because of the measurement errors, which reach
±0m. 2 at a low brightness, and, possibly, because of
the difference between the two instrumental R sys-
tems used, although they were reduced to Johnson’s
standard system. The planetary nebula surrounding
FG Sge, which is very bright in the range λλ6500–
6600 Å because of the strong Нα and [N II] emis-
sion lines, severely complicates R-band measure-
ments. The nebular contribution in B- and V -band
CCD measurements is smaller and can be accurately
taken into account. FG Sge has, on average, V –
R = +1.4 in a bright state.

It is important to note the main features in the V –
R behavior in the R CrB photometric phase:

(1) during the deep fadings in 2001 and 2002,
when the star reached 17m in V , the V –R color index
decreased only slightly on the descending branch and,
after the minimum was reached, began to appreciably
increase;

(2) at the shallower minimum of 1999, the V –R
color index systematically and significantly increased
as the star faded, and it decreased by 0m. 4 after the
minimum brightness (15m V ) was reached;

(3) at the shallow minimum of 2000, the V –
R color index increased slightly on the descending
branch and reached V –R = +1.5m near the time of
minimum brightness (about 11m in V ).

In comparison with V –R, the V –I color index ex-
hibits an appreciably larger amplitude of its variations
during fadings. Figure 3 shows the V –I variations
with V in 1999–2002.

During the deep double fading in 2001, V –I
rapidly increased from +2m. 5 to +3m. 3 by the first
minimum. Subsequently, this color index initially
decreased and then increased to V –I = +3m. 7 on the
ascent to V = 15m.

At the deep minimum of 2002, the descending
branch was covered by observations starting from
13m. 5 V at V –I = +3m. 1, and the V –I color index
reached +3m. 5 at the photometric minimum itself.

During the shallower fading in 1999, the V –I
color index gradually increased from +2m. 2 to +3m. 6
by the minimum and then decreased by 0m. 7 on
the ascending branch until the brightness rose to
V = 13m.
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During the shallow minimum in 2000, V –I
slightly increased from +2m. 4 to +2m. 6 by the mini-
mum brightness and returned to its original value of
+2m. 4 after the emergence from the minimum.

Thus, the V –I color amplitude correlates closely
with the V brightness amplitude. During deep fad-
ings, the color index increases by more than 1m,
while during shallow fadings, it increases only by a
few tenths of a magnitude. After the brightness of
the star returned from its minima, with the exception
of 2002, themean V –I color index was with the range
+2m. 2– + 2m. 6.

The color behavior of FG Sge will be qualitatively
interpreted below.

It should be noted that in the ten years of the
star’s stay in the R CrB phase, the depth of its optical
minima tended to increase; in recent years, the star
has not regained its normal brightness. This behavior
showed up particularly clearly in 2002, which may
be indicative of a further increase in the stellar-wind
intensity with time.

THE DUST SHELL OF FG Sge
IN THE R CrB PHASE

As was shown by many authors (Woodward
et al. 1993; Tatarnikov et al. 1998; Taranova and
Shenavrin 2002), all features of the star’s photometric
behavior in the new phase that began in 1992 are
attributable to the dust clouds that condense in
the matter ejected by the star. The star now has a
probably spherical dust shell that formed in 1992 and
is clearly seen in the LM bands. The LM photometry
suggests (Taranova and Shenavrin 2002) that the
radiation in these bands responded only slightly to the
dramatic optical brightness variations in 1999–2002.
The temperature of the dust shell was estimated by
the above authors to be about 750 K, and its mass is
variable both because of its expansion and dispersal
and because of its replenishment with newly forming
dust.

The optical events that we consider here are asso-
ciated mainly with the formation of new dust clouds
along the line of sight. The dust grains are most
likely composed of carbon, because the spectroscopic
observations suggest that a large amount of carbon is
dredged up from the star’s deep layers into its atmo-
sphere (Kipper et al. 1995). The presence of strong
Swan bands in the spectrum of FG Sge, which are
in absorption in a bright state and in emission when
the stellar photosphere is obscured by a dust cloud, is
also indicative of a high carbon abundance in the ex-
tended gaseous envelope (Arkhipova et al. 1999). In
addition, a double CO source associated with FGSge
has been observed (Hinkle et al. 1995).
ASTRONOMY LETTERS Vol. 29 No. 11 2003
The significant decrease in B–V on the descend-
ing branch of blue minima most likely results from
the scattering of light by a dust cloud along the ob-
server’s line of sight. Strong scattering in the direc-
tion of the incident beam and a significant decrease
in B–V compared to the color index of the inci-
dent light are known to have been observed at small
angles of incidence of the light on interstellar dust
grains. The blueness decreases with increasing angle
of incidence, and the color index of the scattering
cloud can be larger than that of the star at large
angles of incidence. It is highly likely that the deep-
est and always blue photometric minima of FG Sge
are attributable to the dense dust clouds that were
ejected exactly toward the observer, and the color
index increases as they move tangentially. When the
cloud becomes transparent, as long as the extinction
in it is substantial (∆AV ≥ 3m), an additional color
excess ∆(B–V ) appears; this excess characterizes
the absorbing properties of the cloud, in particular,
RV = ∆AV /∆(B–V ). As the brightness rises, this
color excess decreases, and the B–V color index ap-
proaches its normal (after 1992) value of about+2m. 0.

Thus, theB–V color index during deep photomet-
ric minima is strongly affected by both the scattering
and the absorption of light by the particles of which
the dust cloud consists.

During the ejections of the clouds that obscure a
small part of the stellar disk (a shallowminimum), the
fraction of scattered radiation is small, and theB − V
color index changes only slightly.

The completely different behavior of V –I com-
pared to B–V is most likely related to the absorb-
ing and emitting properties of the dust cloud. The
newly forming dust clouds have a temperature that
appreciably exceeds the temperature of the farther
dust shell. It can be estimated by using near-infrared
two-color diagrams, for example, I–J and J–H .
Using the observations in the I band from Table 2
of this paper (which are either simultaneous or close
in time) and those in the JH bands of Taranova
and Shenavrin (2002), and taking the temperature
of a G2 I star for that of FG Sge, we estimated the
temperature of the newly forming dust clouds to be
1000–1200 K.

Thus, the newly forming dust clouds primarily
show up as absorbing and scattering ones in the
BV bands and as absorbing and emitting ones at
wavelengths of about 1 µm or longer; as the wave-
length increases, the absorption amplitude greatly
decreases, while the contribution from the radiation
of dust clouds is generally small. Since the situation
in the R band is particularly complex, we restricted
ourselves to describing the behavior of the V –R color
index.
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shell of FG Sge.

To get an idea of the wavelength dependence of
extinction in the circumstellar dust shell, we chose
epochs in the light curve of the star outside those
of eclipses and compared the observed U,B, V,R, I
magnitudes with the observations of FG Sge in 1986.
At the same time, we assumed that the stellar tem-
perature was constant after 1986, as confirmed by the
spectroscopic observations (Kipper et al. 1995). For
the epoch JD 2446618 (July 6, 1986), Arkhipova and
Taranova (1990) gave the following magnitudes:

B = 10m. 88, V = 9m. 09, J = 6m. 93,
H = 6m. 53, K = 6m. 49, L = 6m. 27,

M = 6m. 26.

For the same date, the U magnitude corrected for
the contribution from the companion and the nebula
is U = 12m. 23. These magnitudes characterize the
mean brightness of FG Sge in the pulsation cycle,
before the onset of the R CrB phase.

The magnitude differences between the chosen
epoch of observations after 1992 and the above epoch
are presented in Fig. 4. They give the amplitude of
the fading in each of the optical bands caused by
extinction in the circumstellar dust shell. At λ >
1 µm, the dust radiation is substantial, and an infrared
excess increasing with wavelength is observed. The
infrared photometric data were taken from Tatarnikov
et al. (1998) and Taranova and Shenavrin (2002).
Figure 4 also shows the wavelength dependence of
extinction for the standard reddening law (Whit-
ford 1958) normalized to the observed extinction
in V . We see that for the star’s bright states after its
emergence from the minimum or at the beginning
of the descent (JD 2451305, 2451767, 2452029), the
extinction in the dust shell inUBV RI is satisfactorily
represented by the standard law at various extinction
constants c = log[I0(Hβ)/I(Hβ)]: from c = 0.4 to
c = 0.95. The epoch JD 2451823 in Fig. 4 is the
epoch of a red shallow minimum (c = 0.68), and it
is important to emphasize that no deviations from
Whitford’s reddening law are observed in this case.
The date JD 2451867, for which the wavelength
dependence of extinction in the circumstellar shell is
much steeper than the standard law Aλ ∼ λ−1 and
can be fitted as Aλ ∼ λ−3 in the UBV RI bands,
constitutes an important exception. This epoch in
the light curve corresponds to the emergence of the
star from the shallow minimum mentioned above,
the ascending branch of which exhibited a systematic
increase inB–V that continued to grow.

The circumstellar dust shell is replenished through
the expansion and dispersal of the dust clouds that
cause deep fadings. Clearly, it consists of the same
particles as the clouds, which are similar to the inter-
stellar particles responsible for the optical extinction,
judging from Fig. 4. In this case, there is no need to
assume the presence of small particles to explain the
star’s bluing on the descent to its minima, and the
hypothesis of light scattering by particles on the line
of sight is further justified. However, as we see from
the data at JD 2451867, the situation even outside
periods of eclipses can be more complex, and other
hypotheses should be invoked to interpret the wave-
length dependence of optical and near-infrared (up to
1 µm) extinction.

SPECTROSCOPIC OBSERVATIONS
OF FG Sge IN 1999–2002

The dramatic brightness variations of FG Sge
after it entered the RCrB phase are also accompanied
by significant changes in its spectrum. In contrast to
the photometric observations, spectroscopic obser-
vations have been carried out by many researchers
(Stone et al. 1993; Kipper et al. 1995; Iijima 1996;
Gonzalez et al. 1998; Kipper and Klochkova 1999,
2001). We also follow the spectroscopic behavior of
FG Sge (Arkhipova and Esipov 1996; Arkhipova
et al. 1998, 1999). In 1999–2002, we continued
to observe the star at the Cassegrain focus of the
125-cm reflector at the Crimean Station of the SAI
with a fast spectrograph equipped with an ST-6I
CCD camera. With a 600 line/mm grating, the
spectral resolution was∼5.5 Å per pixel. We obtained
a total of 13 spectrograms in the range λλ4200–
7500 Å, which was covered by two frames with
a small mutual overlap, and one spectrogram in
the range λλ4500–6400 Å. Table 3 gives a log of
observations together with our V magnitudes of the
star at the corresponding date and a brief description
ASTRONOMY LETTERS Vol. 29 No. 11 2003
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Table 3. A log of spectroscopic observations for FG Sge in 1999–2002

Date Range, Å V Spectral features

May 14, 1999 4200–7500 10m. 14 C2 bands and Na I lines in absorption

June 17, 1999 4200–7500 10.46 Na I lines in absorption, strengthening of C2 absorption bands

Aug. 9, 1999 4200–7500 10.71 Na I lines in absorption, further strengthening of C2 absorption

Sep. 17, 1999 4200–7500 11.64 Na I lines in absorption, weak C2 absorptions;
nebular lines are seen

Sep. 20, 1999 4200–7500 12.20 C2 bands and Na I lines in emission; nebular lines

Nov. 5, 1999 4500–6400 15.31 C2 bands and Na I lines in emission; nebular lines

May 13, 2000 4200–7500 10.50 C2 bands and Na I lines in absorption

Sep. 1, 2000 4200–7500 10.06 C2 bands and Na I lines in absorption

Sep. 27, 2000 4200–7500 10.53 C2 bands and Na I lines in absorption

Oct. 24, 2000 4200–7500 10.25 C2 bands and Na I lines in absorption

May 16, 2001 4200–7500 12.66 Na I lines in emission, C2 bands in absorption; nebular lines

May 18, 2001 4200–7500 13.13 Na I lines in emission, C2 bands in absorption; nebular lines

May 6, 2002 4200–7500 13.20 Na I lines in emission, C2 bands in absorption; nebular lines

May 15, 2002 4200–6000 13.20 Na I lines in emission, C2 bands in absorption; nebular lines
of spectral features. Because of the low spectral reso-
lution, we restricted our analysis to broad features—
the Swan C2 bands and the Na I doublet (λλ5890–
5896 Å). Table 4 presents the Na I D equivalent
widths and the indices that characterize the depths
of the C2 λ4737 Å

C2 = 1.0–2.0I(4700)/[I(4600) + I(4800)]
(Iijima 1996)

and λ5635 Å bands:

C2 index = −2.5 log(Fν(5610)/Fν (5710))
(Fay et al. 1974).

Apart from the 1999–2002 observations, Table 4
presents the 1998 observations, which we qualita-
tively described previously (Arkhipova et al. 1999).
The errors in the Na I D equivalent widths and the
C2 indices were ∼10% and ±0.05, respectively. Fig-
ure 5 shows the V light curve for FG Sge and data
from Table 4.

In 1999, we obtained six spectrograms; three of
these indicate a high brightness, two were taken
when the star descended to a deep minimum, and one
was taken at minimum brightness. The 1999 spec-
troscopic observations of FG Sge began in May,
when the star was bright. The May 14 spectrum
exhibits shallow Swan C2 λ4737, 5165, 5635, 6191 Å
bands and the Na I D absorption line. The most
dramatic event of 1999, the fading of the star by 5m,
ASTRONOMY LETTERS Vol. 29 No. 11 2003
was preceded by a shallow photometric minimum
(JD(min) = 2451387 ± 5). The June 17 spectrogram
(JD 2451347) refers to the descent of FG Sge to this
minimum. The Swan bands at this time were deeper
than those observed on May 14. The spectroscopic
observations on August 9 (JD 2451400), when the
star had just emerged from the shallow minimum,
showed a further strengthening of the Swan bands.
Figure 6 shows the variations in the depth of the
Swan bands at the shallow minimum of 1999.

The next two spectrograms taken on close dates,
September 17 and 20, 1999, refer to the descent of the
star to a deep minimum. On September 17, the star,
at a magnitude V = 11m. 6, had weak Swan absorp-
tion bands and the Na I D absorption line in its spec-
trum. Its spectrum exhibited lines of the planetary
nebula. Three days later, the star faded by 0m. 5, and
the Swan bands and the Na I D line were in emission.
Thus, a self-reversal occurred in the Swan bands
and the Na I D lines between September 17 and 20
at a V magnitude of 12m. The next spectrum was
taken on November 5, 1999, at a deep photometric
minimum for FG Sge. The strong Na I D emission
line was the most prominent feature in the λ4500–
6400 Å spectrum. The Swan bands continued to be
in emission. For comparison, Fig. 7 shows the star’s
normalized spectra in May and November 1999 near
the sodium doublet.

In 2000, FGSge returned from its deep photomet-
ric minimum of 1999 and then slightly faded by 1m
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Table 4. Na I D line equivalent widths and С2 indices

Date W (Na I), A C2 C2 index

Apr. 2, 1998 −5.7 0.50 0.44

May 24, 1998 6.3 – –

May 25, 1998 37.3 −0.30 –

May 29, 1998 50.7 −0.26 −0.22

May 31, 1998 61.7 −0.45 −0.35

June 22, 1998 225 – –

Sep. 17, 1998 180 −0.01 –

Sep. 18, 1998 228 0.28 0.33

Sep. 21, 1998 160 0.24 0.33

Sep. 24, 1998 129 0.15 0.46

Sep. 25, 1998 114 0.31 0.39

Oct. 18, 1998 54 0.38 0.55

May 14, 1999 −6.8 0.19 0.13

June 17, 1999 −4.3 0.36 0.26

Aug. 9, 1999 −8.6 0.59 0.58

Sep. 17, 1999 −5.6 0.11 0.11

Sep. 20, 1999 2.7 −0.06 −0.05

Nov. 5, 1999 196 −0.30 −0.09

May 13, 2000 −5.9 0.17 0.26

Sep. 1, 2000 −7.0 0.43 0.56

Sep. 27, 2000 −6.0 0.63 0.73

Oct. 24, 2000 −8.0 0.55 0.52

May 16, 2001 1.9 0.73 0.85

May 18, 2001 2.7: 0.69 0.70

May 6, 2002 3.0 0.44 0.54

May 15, 2002 3.8 0.46 0.61
in V . The first 2000 spectrum that we took onMay 13
relates to the time the dust cloud responsible for the
deep minimum of 1999 dispersed and the spectrum
had the appearance characteristic of the bright state
of FG Sge. In late June and July 2000, Kipper and
Klochkova (2001) obtained high-resolution spectra
of FG Sge. The authors noted that these spectra
did not differ significantly from the spectra that the
star had before its brightness decline in 1992 and at
its photometric maximum in 1997. Our next three
spectra, taken on September 1, September 27, and
October 24, 2000, showed variations in the depths of
the Swan bands with brightness. The depths of the
Swan bands were at a maximumwhen the brightness
of FG Sge was at a minimum. The spectroscopic
observations confirm our conclusion drawn from the
photometric observations that the shallow minimum
of 2000 was a dust one. This is suggested by the
strengthening of the Swan bands, due to an increase
in the abundance of molecular carbon in the extended
expanding stellar envelope and the subsequent dust
condensation.

In 2001, we carried out spectroscopic observations
of FG Sge on May 16 and 18 on the descent to a
deep minimum, when the star already faded by more
than 3m in V . In contrast to 1999, when a self-
reversal occurred in the Swan bands at a V magni-
tude of 12m, in 2001, the Swan bands at a fainter
magnitude were still in absorption and very deep,
while the Na I D line was already in emission.

The spectroscopic observations of FGSge in 2002
relate to the time the star emerged from a deep mini-
mum and, having reached a V magnitude of 13m, was
just about to descent to the next deep minimum. The
May 6 and 15 observations showed that the Swan
bands were enhanced, compared to the star’s normal
(bright) state.

The spectroscopic observations of FGSge in 1999
indicated that, as during the deep minima of 1992
(Arkhipova and Esipov 1996), 1994 (Gonzalez et al.
1998), 1996 (Gonzalez et al. 1998; Arkhipova et al.
1998), and 1998 (Arkhipova et al. 1999), during
the descent of the star to a deep minimum, the
Swan С2 absorption bands and the Na I D lines
initially weakened, and a self-reversal subsequently
occurred in these lines. The deep photometric min-
ima of 1999 and 2001 were preceded by fadings
of less than 1m in V . We were able to trace the
development of the spectra at these shallow min-
ima. There is a clear correlation of the C2 indices
with brightness: the Swan absorption bands become
deeper with declining brightness. The reason is that
the abundance of molecular carbon in the extended
envelope of FG Sge increases during the stellar-
wind enhancement and the subsequent condensa-
tion of dust clouds that are also responsible for the
ASTRONOMY LETTERS Vol. 29 No. 11 2003
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shallow minima. The 1999–2002 observations also
indicated a strengthening of the Swan bands with
time—an increase in the maximum C2 indices. Thus,
Iijima (1996) give a maximum value of C2 = 0.4 ±
0.05 for 1992–1994, and Arkhipova et al. (1998) give
C2 index = 0.38 for 1996–1997. According to our
most recent observations, the C2 index has already
reached 0.73 ± 0.05.

CONCLUSIONS

In 1999–2002, the photometric activity of FGSge,
which resembles the behavior of R CrB stars, contin-
ued. We carried out four-color observations of three
deep fadings. During all of these fadings, the B − V
color index significantly decreased with declining
brightness, as in 1992–1998. These decreases most
likely resulted from the scattering of stellar light by
particles of a dust cloud along the line of sight. In
contrast to them, the fraction of scattered light during
shallower fadings is probably small, and only the
absorption of light in the cloud is substantial. At
longer wavelengths (in R and particularly in I), the
fraction of scattered light is smaller than that in B
and V .

For the epochs of maximum brightness (outside
eclipses by dust clouds), we constructed the wave-
length dependence of circumstellar extinction in the
bands from U to I. In general, it differs only slightly
from the standard interstellar reddening law, suggest-
ing that the dust grains in the circumstellar dust shell
of FG Sge and in the interstellar medium are similar.

The low-resolution spectroscopic observations
performed in 1999–2002 confirmed the reversal of the
spectrum of the extended gaseous stellar envelope—
the Swan bands and the Na I D doublet—on the
descent of the star to deep minima. At the same time,
we found a close correlation between the depths of
the Swan bands and the brightness phase during
shallow fadings. The depths of the Swan bands in the
star’s bright state were found to increase with time,
which is attributable to the growth of the gas–dust
circumstellar shell around FG Sge as increasingly
powerful dust ejections are repeated.
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The Hydrogen Emission Spectrum of a Shock Wave
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Abstract—Based on a self-consistent solution of the equations of gas dynamics, kinetics of hydrogen
atomic level populations, and radiative transfer, we analyze the structure of a shock wave that propagates
in a partially ionized hydrogen gas. We consider the radiative transfer at the frequencies of spectral lines
by taking into account the effects of a moving medium in the observer’s frame of reference. The flux in
Balmer lines is shown to be formed behind the shock discontinuity at the initial hydrogen recombination
stage. The Doppler shift of the emission-line profile is approximately one and a half times smaller than
the gas flow velocity in the Balmer emission region, because the radiation field of the shock wave is
anisotropic. At Mach numbersM1 � 10 and unperturbed gas densities ρ1 = 10−10 g cm−3, the Doppler
shift is approximately one third of the shock velocity U1. The FWHM of the emission-line profile δϕ is
related to the shock velocity by δϕ ≈ kϕU1, where kϕ = 1, 0.6, and 0.65 for the Hα, Hβ, and Hγ lines,
respectively. c© 2003 MAIK “Nauka/Interperiodica”.

Key words: plasma astrophysics, hydrodynamics and shocks, stellar atmospheres, radiative
transfer.
INTRODUCTION

The spectra of radially pulsating late-type stars
near maximum light show intense hydrogen emission
lines, and many metal absorption lines split into two
components with a radial-velocity difference of sev-
eral tens of km s−1. These spectral features are at-
tributable to the propagation in the stellar atmosphere
of the shock wave that arises in each oscillation cycle
at the photospheric level at the time of the fastest
expansion of the outer layers in a pulsating star. Split
absorption lines are indicative of an abrupt change in
the gas flow velocity in the stellar atmosphere, and the
appearance of hydrogen emission lines is attributed
to the radiative cooling of the gas behind the shock
discontinuity (Kraft et al. 1959; Wallerstein 1959;
Abt 1959; Abt and Hardy 1960; Gorbatskiı̆ 1961).

A large amount of observational data on the
emission lines in the spectra of pulsating stars has
been obtained to date. However, the absence of a
detailed self-consistent model for a radiative shock
wave significantly narrows the possibilities for spec-
troscopy in diagnosing the state of the gas in a
shock wave. Fadeyev and Gillet (1998) suggested
a method for calculating the shock structure based
on a self-consistent solution of the equations of
gas dynamics, atomic kinetics, and radiative transfer.

*E-mail: fadeyev@inasan.rssi.ru
1063-7737/03/2911-0775$24.00 c©
The potentialities of this method, as applied to shock
waves propagating in a partially ionized hydrogen gas
with the temperature and density typical of stellar at-
mospheres, were demonstrated in several subsequent
papers (Fadeyev andGillet 2000, 2001; Fadeyev 2001;
Fadeyev et al. 2002). Unfortunately, since in all
these papers the radiative transfer was considered
in the approximation of a stationary medium, the
theoretically calculated emission-line profiles could
not be compared with the results of observations. In
this paper, we present the results of our calculations of
the shock structure by taking into account the effects
of a moving medium in the solution of the radiative
transfer equation in hydrogen spectral lines.

THE SHOCK MODEL

As in our previous papers (Fadeyev and Gillet
1998, 2000, 2001; Fadeyev 2001; Fadeyev et al. 2002),
below we consider the structure of a stationary plane-
parallel shock wave propagating in a homogeneous
medium. The applicability of the assumed stationarity
and plane geometry to the conditions of stellar atmo-
spheres follows from the fact that the shock length
(∼ 105 cm) is small compared to the dynamic scale
height of a pulsating supergiant (Hp, dyn � 1011 cm).
In the approximation of a steady-state gas flow and
a plane geometry, the continuity equation reduces
to the relation ρU = ṁ ≡ const between the gas
2003 MAIK “Nauka/Interperiodica”
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density ρ and flow velocity U , while the equations
of motion and energy conservation, together with
the equations of atomic-level population kinetics,
form a system of ordinary differential equations. The
obvious advantages of this approach stem from the
fact that the efficient methods for solving “stiff”
problems, to which the equations of atomic kinetics
belong, were best developed for ordinary differential
equations (Hall and Watt 1976; Radhakrishnan and
Hindmarsh 1993). The equations used to calculate
the structure of a radiative shock wave were described
in detail by Fadeyev and Gillet (2000).
Wemodel the shock wave by a plane-parallel layer

that moves together with the shock, with a veloc-
ityU1, relative to an unperturbed gas with a density ρ1

and temperature T1. The coordinate origin coincides
with the infinitely thin layer where the gas-dynamic
variables undergo a discontinuity. The spatial coor-
dinate X is reckoned along the trajectory of the gas
particles that move through the shock. The unper-
turbed gas flows into the front boundary of the slab
with coordinate X1, and the coordinate XN of the
rear boundary of the slab is determined during the
calculations in such a way that the thermodynamic
state of the outflowing gas (in particular, the electron
temperature Te and the degree of ionization xH) are as
close as possible to the unperturbed state.
We determined the monochromatic parameters of

the shock-generated radiation field for given spatial
distributions of the optical depth τν(X) and the
source function Sν(X) by solving the two-point
boundary-value problem for the entire shock using
the modified Feautrier method suggested by Rybicki
and Hummer (1991). The quantities τν(X) and
Sν(X) are the solutions of the initial-value problem
for the equations of motion, energy conservation,
and atomic-level populations. These equations are
integrated in the segment [X1,XN ], with the solution
being interrupted at the shock discontinuity, where
the Rankine–Hugoniot relations are used. We take
into account the relationship between the gas flow
and the radiation field by using an iterative procedure
that includes the integration of the system of differen-
tial equations, followed by the solution of the transfer
equation for the entire shock. The convergence of the
iterative process was demonstrated by Fadeyev and
Gillet (1998, 2000).
When solving the radiative transfer equation, we

approximate the shock wave by a discrete model on
a spatial grid Xj (1 ≤ j ≤ N ) with N = 2000 points.
The sizes∆Xj−1/2 = Xj −Xj−1 of the spatial inter-
vals increase in geometric progression in both direc-
tions from the point of shock discontinuity XJ = 0.
The frequency range 13.5 ≤ log ν ≤ 16, within which
we solve the transfer equation, is represented by a
set of intervals. The boundaries of these intervals are
either the threshold frequency of ionization from the
ith level of a hydrogen atom or the boundary of the ad-
jacent frequency interval of a spectral line with a half-
width ∆ν = 5 × 10−4ν0, where ν0 is the frequency
of the line center in the comoving reference frame.
We used eight grid points of the Gaussian quadrature
formula in the continuum frequency intervals and up
to 300 grid points for the spectral-line frequency in-
tervals. The angular moments of the transfer equation
were calculated by using eight grid points for the
continuum and 32 grid points for spectral lines. A
large number of quadrature grid points in the angular
variable are required, because the radiation field in
spectral lines is highly anisotropic.
The model hydrogen atom is represented by L =

5 levels and an ionization state. We used the cross
sections calculated by Scholz et al. (1990), Aggarwal
et al. (1991), and Callaway (1994) to calculate the
electron-impact excitation rates and calculated the
collisional ionization rates, by using the approxima-
tion polynomials derived by Lennon et al. (1986).
We calculated the radiative bound–bound transition
rates for lines with Doppler profiles.
Figure 1 illustrates the structure of a radiative

shock wave, i.e., the variation of gas-dynamic vari-
ables with spatial coordinate X. For a better visu-
alization, we use the logarithmic scale along the X
axis. Therefore, the spatial dependence of each vari-
able is represented by two plots: the left-hand plot for
the preshock region of space (X < 0) and the right-
hand plot for the postshock region of space (X > 0).
The temperature of the hydrogen atoms behind the
shock discontinuity T+

a can be determined by solving
the Rankine–Hugoniot equations (formula (5) in the
paper of Fadeyev and Gillet (2001)), while for the
electron gas, we use the approximation of adiabatic
compression: T+

e = (ρ+/ρ−)γ−1T−
e , where γ = 5

3 is
the adiabatic index for the electron gas and the mi-
nus and plus superscripts denote the variables at the
points XJ−1/2 and XJ+1/2 that are closest to the
shock discontinuity. The electron (Te) and atomic
(Ta) temperatures behind the shock discontinuity are
equalized by the elastic collisions between electrons
and hydrogen ions. At hydrogen ionization degrees
xH > 10−2, the efficiency of energy transfer from neu-
tral hydrogen atoms to electrons is negligible because
of the low density of neutral atoms and the small cross
section of this process.
The extent of the shock wave in a partially ion-

ized hydrogen gas can be estimated from the depen-
dence of ionization degree xH on spatial coordinate
X. In front of the shock discontinuity, the actual
shock boundary coincides with the ionization region
associated with the absorption of Lyman continuum
ASTRONOMY LETTERS Vol. 29 No. 11 2003
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emission (the radiative-precursor region ); behind the
discontinuity, the shock boundary is determined by
the region of the hydrogen atomic recombination as
the slowest relaxation process.
The radiative heating and cooling of a gas are

described by the divergence of the radiation flux

∇ · FR = 4π

∞∫
0

(ην − κνJν)dν, (1)

where ην and κν are the monochromatic emission and
absorption coefficients, and Jν is the mean intensity
of radiation at frequency ν. The significant variations
in the divergence of the radiation flux in the region
−102 cm � X � 102 cm are attributable to variations
in the populations of atomic levels i ≥ 2 near the
shock discontinuity. However, these variations have
no appreciable effect on the total radiation flux, be-
cause the extent of this region is small. The discon-
tinuity of 1

ρ∇ · FR at point XJ = 0 results from the
significant broadening of the Doppler line profiles due
to an abrupt increase in the atomic temperature Ta at
the shock discontinuity.
Figure 1e shows plots of the total radiation flux

FR and the Lyman continuum flux FLy. Within the
bulk of the shock wave, the radiation flux is directed
oppositely to the gas flow (FR < 0). The radiation
originates in the FR = 0 layer behind the shock dis-
continuity in the atomic hydrogen recombination re-
gion. The radiation fluxes emerging from the front and
rear boundaries of the shock model are approximately
(to within several percent) equal:−FR1 ≈ FRN.

RADIATIVE TRANSFER IN SPECTRAL
LINES

In the atmospheres of pulsating stars, the ratio of
the gas flow velocity to the speed of light is U/c �
3× 10−4. Therefore, a clear manifestation of amoving
medium is the Doppler effect in spectral lines, since
the Doppler shift is comparable to the line width.
To within the first order of smallness in U/c and in
the approximation of a plane geometry, the radiative
transfer equation in a comoving reference frame is

µ
∂Iνµ

∂X
− µ2 ν

c

dU

dX

∂Iνµ

∂ν
= ην − χνIνµ, (2)

where χν is the total absorption coefficient, Iνµ is
the specific radiation intensity, µ = cos θ, and θ is
the angle between the propagation direction of the
radiation and the X axis. For brevity, we omit the
designations of the functional dependence on spatial
coordinate X in Eq. (2).
To solve equations of the form (2), Mihalas et

al. (1975) suggested a method based on analysis
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Fig. 1. The shock model with T1 = 6000 К, ρ1 =
10−10 g cm−3, andU1 = 70 km s−1: (a) electron temper-
ature Te (1) and atomic temperature Ta (2); (b) hydrogen
ionization degree xH; (c) second-level population n2, in
units of hydrogen atomic densitynH; (d) divergence of the
total radiation flux (1) and divergence of the radiation flux
in the Lyman continuum (2); (e) total radiation flux (1)
and radiation flux in the Lyman continuum (2).

of the boundary-value problem for the spatial vari-
able X and the initial-value problem for the radiation
frequency ν. The advantages of this approach were
clearly demonstrated in numerous papers devoted to
radiative transfer in a medium with a monotonically
changing gas flow velocity (e.g., in expanding stellar
atmospheres). Unfortunately, this method loses its
advantages when applied to radiative transfer in a
medium with a nonmonotonic velocity field, because
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the radiation flux in the Lyα line with the Doppler shift
(1) and for a stationary medium (2); (b) radiation flux in
the Lyα line with the Doppler shift (1) and for a stationary
medium (2).

the solution becomes unstable (Mihalas 1980). Our
special calculations confirmed this conclusion. As
applied to a shock wave, the instability of the solution
for the radiative transfer equation in a comoving ref-
erence frame turns out to be attributable to an abrupt
change of the second term on the left-hand side of
Eq. (2) at the shock discontinuity. For this reason, the
results presented below were obtained by solving the
radiative transfer equation written in the observer’s
reference frame.
To within terms of the first order of smallness in

U/c, the transfer equation in the observer’s frame has
the same form as the transfer equation for a stationary
medium, but with emission and absorption coeffi-
cients that depend on both the radiation frequency ν
and the directional cosine µ (Mihalas 1978):

µ
dIνµ

dX
= ηνµ − χνµIνµ. (3)

We assume that the shock wave moves toward the
observer with a positive velocity U1 and that the gas
flow velocity in the observer’s frame is Uobs > 0. The
Doppler line profile in the approximation of a complete
frequency redistribution is then given by the expres-
sion

φ(ν ′, µ) =
1

∆νD
√
π

exp
[
−ν − ν0(1 − µUobs/c)

∆νD

]
,

(4)
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Fig. 3. Structure of the recombination zone of a radiative
shock wave with T1 = 6000 K, ρ1 = 10−10 g cm−3, and
U1 = 60 km s−1: (a) ionization degree xH, (b) rate of
ionization from the ith level, and (c) the resulting pho-
toexcitation rate for the Hα, Hβ, and Hγ lines.

where ν ′ is the radiation frequency in the comoving
frame,

∆νD =
ν0

c

(
2kTa
mH

)1/2

(5)

is the Doppler line width on the frequency scale, and
mH is the mass of the hydrogen atom.
Since the effects of a moving medium show up

most clearly at Lyα frequencies, it will suffice to con-
sider the radiative transfer in this line to assess the
role of Doppler shifts. Figure 2а shows the spatial
dependences of the divergence of radiation flux

∇ · F� = 4π

ν0+∆ν∫
ν0−∆ν

(ην − κνJν)dν (6)

(here, ν0 is the frequency of the Lyα line center),
calculated with allowance made for the Doppler effect
and in the approximation of a stationary medium. As
we see from these dependences, the Doppler shift
results in stronger preshock radiative heating (∇ ·
ASTRONOMY LETTERS Vol. 29 No. 11 2003
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Parameters of the Balmer emission lines

U1,
km s−1 M1

Hα Hβ Hγ
U∗
obs,

km s−1
∆Uobs,
km s−1

δϕ,
km s−1 log τ0

∆Uobs,
km/s

δϕ,
km s−1 log τ0

∆Uobs,
km/s

δϕ,
km s−1 log τ0

30 3.3 −9 26 -0.3 −8 26 −1.8 −7 23 −1.6 14
40 4.4 −15 40 0.3 −12 27 −0.8 −11 26 −0.9 19
50 5.5 −18 54 0.9 −17 32 −0.1 −16 30 −0.4 24
60 6.6 −20 60 1.3 −24 38 0.4 −20 34 0.0 30
70 7.7 −21 65 1.5 −23 47 0.6 −23 40 0.2 34
80 8.7 −22 71 1.7 −26 51 0.8 −26 43 0.4 38
F� < 0 at X < 0) and stronger postshock radiative
cooling (∇ · F� > 0 at X > 0). However, the small
extent of the region within which the radiation at
Lyα frequencies interacts appreciably with gas makes
these differences insignificant for the structure of the
shock as a whole. For example, for the model shown
in Fig. 2b, the Lyα fluxes calculated for stationary
and moving media differ by no more than 20%, with
the Lyα flux being less than ∼10−3 of the total flux
emitted by the shock.

BALMER LINES

To describe the recombination of hydrogen atoms
behind the shock discontinuity, it is convenient to use
the resulting rate of ionization from the ith level

Yik + Zik = nineCik

(
1 − ne

ni

n∗
i

n∗
e

)
(7)

+ niRik − ne
n∗

i

n∗
e
R†

ik,

where Cik is the electron impact ionization rate; Rik

is the photoionization rate; (n∗
i /n

∗
e)R

†
ik is the rate

of photorecombination to the ith level; and n∗
i and

n∗
e are the density of atoms at the ith level and the
electrons density, respectively, calculated using the
Saha formula for the nonequilibrium electron density
ne. In Fig. 3, we clearly see from the plots of result-
ing ionization rate against distance from the shock
discontinuity that Yik + Zik < 0 at i ≥ 2; i.e., the re-
combination of hydrogen atoms results from electron
transitions to the second or higher levels, while atoms
in the ground state are ionized, which slows down the
relaxation.
The contribution of individual bound–bound tran-

sitions to the formation of the radiation flux in Balmer
lines can be estimated by analyzing the resulting
photoexcitation rate for the transition from the lower
ith level to the upper jth level:

Zij = niRij − nj
n∗

i

n∗
j

R†
ij , (8)
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whereRij is the photoexcitation rate, and (n∗
i /n

∗
j)R

†
ij

is the rate of radiative deexcitation. As we see from
Fig. 3, after the recombination to levels i ≥ 3, elec-
trons pass to the second level with the emission of
Balmer photons. The Hα line transition has the high-
est intensity. The minimum of Z23 corresponds to the
ionization degree xH = 0.65 and the gas temperature
Te = Ta ≈ 1.4 × 104 K. The condition F�(Hα) = 0
is also satisfied in this layer; i.e., the upstream Hα
flux is equal to the downstream flux: −F�(Hα, µ <
0) = F�(Hα, µ > 0). Since Z12 < 0 in the recombi-
nation region, Lyα photons are produced together
with Balmer photons here.

Of greatest interest in comparing calculations
with observations is the radiation flux Fν1 at the front
boundary of the shock model. Figure 4 shows the
normalized monochromatic fluxes at the Hα, Hβ, and
Hγ frequencies for shock waves with amplitudes of
U1 = 40, 60, and 80 km s−1. For a better visualiza-
tion, Fν1 are shown with the opposite sign, and the
negative Doppler shift corresponds to a blueshift. The
dotted lines in the same figure indicate the flux profiles
obtained by solving the radiative transfer equation for
a stationary medium. The Doppler shifts ∆Uobs and
the half-widths δϕ of the Hα, Hβ, and Hγ emission
profiles are listed in the table, whose first two columns
give the shock velocity U1 and the Mach numberM1.
For each of the three lines, the table gives the optical
depth τ0 of the shock model at the frequency of the
line center in the absence of a Doppler shift.

As we see from Fig. 4 and the table, the widths
of the emission profiles for all three lines exceed the
Doppler shift. The broadest line is Hα, because an
appreciable fraction of the emission in this line orig-
inates in the region of the radiative precursor. At a
shock velocity U1 > 50 km s−1, the cooler preshock
gas shows up in the Hα emission profile as a maxi-
mum with an approximately zero Doppler shift. The
contribution of the radiative precursor to the emission
in other Balmer lines is negligible, because the op-
tical depth is much smaller. All of the Balmer lines
are characterized by an increase in the width of the
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shift (1) and in the approximation of a stationary medium (2) for T1 = 6000 К and ρ1 = 10−10 g cm−3.
emission profile with increasing shock velocity U1,
which is attributable to an increase in the temper-
ature of atoms T+

a behind the shock discontinuity.
The solution of the radiative transfer equation with an
allowance made for the Doppler shift yields a larger
half-width of the emission profile than that given by
the solution for a stationary medium; this difference
increases with shock amplitude from 3% for U1 =
20 km s−1 to 12% for U1 = 80 km s−1. However, the
height of the emission profile decreases simultane-
ously with the increase in the profile width, so the total
flux at the line frequencies remains constant, to within
∼1%.
The small Doppler shift of emission lines,∆Uobs ≈

1
3U1, is attributable not only to the deceleration of
the postshock gas flow. Figure 5 shows the spatial
distributions of the gas flow velocity in the observer’s
frame, Uobs, for three shock models with amplitudes
U1 = 40, 60, and 80 km s−1. The gas compression
ratio at the shock discontinuity for these models is
ρ+/ρ− = 3.41, 3.67, and 3.63, respectively, while the
gas flow velocity behind the shock discontinuity is
U+
obs = 28, 43, and 57 km s−1, respectively. Note that
the decrease of the compression ratio ρ+/ρ− with
increasing shock velocity at U1 > 60 km s−1 results
from an increase in the gas temperature in the region
of the radiative precursor (see Fadeyev and Gillet
(2000) for a discussion of this effect).

Hydrogen atoms behind the shock discontinu-
ity are ionized under the conditions of a significant
deviation from a thermal equilibrium. Therefore, the
increase in gas heat capacity due to ionization is
accompanied by an increase in gas density ρ and
deceleration of the gas flow. At low shock velocities,
this effect increases in importance with U1. How-
ever, at U1 � 70 km s−1, the role of ionization in the
deceleration of the gas flow becomes unimportant,
because the gas is ionized in the region of the radia-
tive precursor. For example, at a shock velocity U1 =
60 km s−1, the hydrogen ionization degree behind
the shock discontinuity increases within 0.18 ≤ xH ≤
0.99, causing the gas flow velocity to decrease from
Uobs = 43 km s−1 to Uobs = 33 km s−1. For a shock
wave with U1 = 80 km s−1, the ionization degree in
ASTRONOMY LETTERS Vol. 29 No. 11 2003
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the radiative precursor is xH = 0.83, and the subse-
quent ionization of the postshock gas causes the gas
flow velocity to decrease fromUobs = 57 to 55 km s−1.
The gas flow further decelerates in the atomic hy-
drogen recombination region, because the recom-
bination lags behind the decrease in gas tempera-
ture. Therefore, the gas flow velocity in the Balmer
emission region is much lower than the gas velocity
immediately behind the shock discontinuity.
The last column of the table gives the gas flow

velocities U∗
obs in the Balmer line emission region. As

follows from the data in the table, at shock veloci-
ties 40 km s−1 ≤ U1 ≤ 80 km s−1, the Doppler shift
∆Uobs is approximately one and a half times smaller
than U∗

obs. Interestingly, the solution of the radiative
transfer equation for an artificially specified constant
velocity field behind the shock discontinuity (Uobs =
U+
obs atX > 0) also yields a ratio U∗

obs/∆Uobs ≈ 1.5.

The difference between the Doppler shift ∆Uobs
and the gas flow velocity U∗

obs in the Balmer line
emission region is attributable to the anisotropy of the
radiation field. To describe the angular dependence of
the radiation intensity Iνµ, it is convenient to use the
variable Eddington factor fν = Kν/Jν , where Jν and
Kν are the zero and second-order angular moments
of the radiative transfer equation, respectively. The
variable Eddington factor in the Hβ line is plotted
against frequency in Fig. 6. For convenience, the
frequency shift is given in units of radial velocity. In
the continuum and in the red line wing, the Eddington
factor is fν < 1

3 , because the optical depth of the
ASTRONOMY LETTERS Vol. 29 No. 11 2003
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shift and (2) in the approximation of a stationarymedium.

shock wave at these frequencies is small. As a result,
the radiation intensity along directions that make an
angle with the normal µ = ±1 give a larger contribu-
tion to the integrals of the angular moments.

CONCLUSIONS

The negligible effect of radiative transfer in spec-
tral lines on the establishment of the structure of a
radiative shock wave makes it possible to use the
radiative transfer equation in the observer’s reference
frame and, thus, to circumvent the main difficulty
associated with the instability of the solution for the
transfer equation in a comoving reference frame. The
indicators of the shock velocity U1 are the Doppler
shift ∆Uobs and the half-width δϕ of a emission line,
because at a fixed gas density ρ1, these quantities
are proportional to the shock velocity:∆Uobs ≈ kuU1,
δϕ ≈ kϕU1. AtMach numbersM1 � 10 and gas den-
sities ρ1 = 10−10 g cm−3, the proportionality factor of
the Doppler shift is ku ≈ 1

3 for all lines; the propor-
tionality factor for the half-widths is kϕ ≈ 1, kϕ ≈
0.65, and kϕ ≈ 0.6 for the Hα, Hβ, and Hγ lines,
respectively.
Since the coefficients ku and kϕ presented here

were obtained for an unperturbed gas density ρ1 =
10−10 g cm−3, the dependence of these coefficients
on gas density is of great importance. Figure 7 shows
normalized emission profiles of the Hα, Hβ, and Hγ
lines for a shock wave with a velocity U1 = 60 km s−1

and unperturbed gas densities ρ1 = 10−10, 3.16 ×
10−11, and 10−11 g cm−3. As we see from these plots,
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Fig. 7. Normalized emission profiles of the Hα, Hβ, and Hγ lines for a shock wave with a velocity U1 = 60 km s−1 and
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the half-width of the Hα profile decreases with de-
creasing gas density, while the half-widths of the Hβ
and Hγ line profiles remain unchanged. The decrease
in unperturbed gas density ρ1 also results in a reduc-
tion in the Doppler shift. Unfortunately, calculations
of the structure of radiative shock waves in a partially
ionized gas require much computational resources,
and the determination of the dependence of kϕ and ku
on unperturbed gas density was not our goal. We will
present the results of our computations of the shock
emission line profiles over a wide range of unperturbed
gas densities in our next paper.
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